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“Observation, not age, brings wisdom.”
Publilius Syrus, c. 43 B.C.
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pored mene. Nina zato što si Ninočka! Kosmo Nežo hvala na mom neo–jugoslovenskom.
Jan for being there when I needed the sleeping mat. Antonio for melanzane al parmigiano
in my fridge. Eelco for the narcissus. Layla for making me feel I’m not alone at the end of
the world and for the special food delivery. Ivana, Sandra, Marina i Bane hvala što ste me
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Chapter 1
Introduction

The stars are probably the longest studied objects in the Universe, yet they manage to keep us
deeply mesmerised. One of the reasons, from the scientific point of view, is the fact that there
are still phases in the life of just an ordinary star (like our Sun) that are not well understood.
Stellar evolution is one of the most mature areas in theoretical astrophysics and we have a
good grasp of how the stars form, how they live for most of their lifetime while burning
hydrogen in their core as main sequence stars, and how they are going to end their lives,
either slowly fading as white dwarfs, or expanding after a supernova. Still there are missing
details to make the story complete.

In particular, the origin of the hot subdwarf stars is still covered with curtains of mystery. The
evolutionary state of B-type subdwarf (sdB) stars is quite certain. As core helium burning
stars, they are identified as extreme horizontal-branch stars. The future evolution of sdB stars
is also assumed to be known: after the helium in their core is exhausted, they evolve directly
to the white dwarf cooling sequence bypassing the asymptotic giant branch stage. We would
thus have a continuous evolutionary path of a low mass star all the way from its birthplace, a
protostellar cloud, to its white dwarf graveyard if we only knew how exactly do the sdB stars
manage to evolve to their current stage after their red giant phase (see Fig. 1.1).

A reviving hope to revealing the evolutionary paths that leads to the formation of sdB stars
came with the discovery that some of them pulsate. The pulsational properties of these stars
in principle give away their interior structure. By “looking” at the interiors of these stars, via
asteroseismology, we can learn about their prior evolution and plug this missing piece in the
story of stellar evolution.

This work is focused on the observational efforts of gathering, analysing and interpreting
data on three carefully selected subdwarf B stars, with the aim of providing the basis for their
asteroseismological analysis. The physical parameters derived by asteroseismology will then
allow us to discriminate between different evolutionary models proposed in the literature,
which is the utmost goal of this research.

This chapter sets the scene for this particular group of stars, starting with a brief overview of
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stellar evolution in a nutshell, focusing on the subdwarf stars and their observational proper-
ties as well as the current understanding of the formation and evolution of subdwarf B stars.

1.1 Life of an ordinary star: the art of change

While stars evolve on the main sequence (MS), they slowly turn the hydrogen within their
cores to helium via nuclear fusion. When a star exhausts all of the hydrogen in the core,
nuclear fusion ceases, and the core shrinks. The temperature in the layers above the core
rises, and hydrogen starts burning in a shell around the core. The outer layers of the star
expand, turning the star into a red giant. The helium ashes now generated from the shell
settle onto the core, and the central mass of helium increases. The star begins to move up the
so-called red giant branch (RGB), as indicated in Fig. 1.1. From this stage in the life of a star,
it will experience quite different evolution depending on its mass. For the lower mass stars
(≤8 M�), this “crossroad” happens at masses near 2.2-2.3 M�.

1.1.1 Quiet helium ignition and beyond

For stars with masses that exceed 2.2-2.3 M�, but are still less than ∼ 8 M�, as the core gets
more massive and continues to shrink, the helium becomes hot enough for helium fusion into
carbon and oxygen. The star calmly settles down to a new stable phase of core helium burning
surrounded by a hydrogen burning shell. Once again, there is a nice thermostat to regulate the
internal properties. At this point, the star contains a helium fusing core and hydrogen fusing
shell, surrounded by a very extended outer envelope, mostly made of hydrogen.

Given the poorer energy yield of helium burning and higher luminosity, a star’s life while
burning helium is much shorter than while burning hydrogen. For example, a typical 1 M�
star spends 1010 years burning hydrogen, i.e. on the MS, whereas it only takes about 108

years to exhaust the core helium. As the helium fuses into carbon (C) and oxygen (O) in the
core, the C/O slowly accumulates at the center of the star. Eventually, the helium fusion is
restricted to a shell outside a central core of inert carbon and oxygen (Hansen et al. 2004).

This phase in a life of a star is called the helium shell burning phase. During this phase, the
star again increases its radius, moving up and to the right in the Hertzsprung-Russell (H−R)
diagram (as the core contracts and the envelope expands), along the so-called asymptotic giant
branch (AGB). The schematic evolutionary track for a solar-mass star is given in Fig. 1.1. The
AGB star contains an inert carbon and oxygen core surrounded by the helium fusing shell,
with the hydrogen burning shell on the top of it and the largely extended outer hydrogen
(mostly) envelope. As the hydrogen burning shell dumps the helium ashes onto the helium
shell this latter one builds up with time and undergoes an unstable phase called a thermal
pulse. This in turn increases the mass of the C/O core which makes the star bigger and
more luminous. As the star climbs the AGB, a wind develops in the star’s envelope which
blows the outer layers into space. The stellar wind in combination with the large amplitude
pulsations cause mass loss for the AGB star. This mass loss eventually reaches about 10−4M�
per year (at the end), which means that in 10 000 years the typical star will dissolve, leaving
the central, hot degenerate C/O core with about 0.6 M�, known as a white dwarf, surrounded
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Figure 1.1 — Hertzsprung-Russell (H−R) diagram with a sketch of an evolutionary path for a solar-
mass star.

by a planetary nebula. White dwarfs start out very hot, as a result of the high temperatures of
their inner regions. It takes a long time for the heat to leak out to the surface and radiate away
into space. Because they are so small, white dwarfs emit very little energy, despite their high
temperatures. Their high temperature combined with the very small radius places them at the
lower-left corner of the H−R diagram (see Fig. 1.1).

1.1.2 The helium core flash and beyond

For stars with masses below 2.2-2.3 M� and above 0.5 M�, the evolution following the RGB
is not so gentle. While on the RGB, as the core gets more massive and continues to shrink, the
helium becomes degenerate. The gas no longer behaves like an ideal gas, and the pressure and
temperature become independent of one another. In this degenerate state the helium burning
becomes unstable, with critical consequences resulting in the helium core flash. The moment
at which the inner core begins to fuse helium to carbon is called the helium flash. This is a
very sudden event in the life of the star, it happens on a timescale of the order of a minute.
This is basically a runaway nuclear event near the center of the star releasing a huge amount
of energy. However, since the event takes place centrally in the star, over a short time, the
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Figure 1.2 — An evolutionary path of a 1.5 M� star. The mass of the remnant (after the gap) is 0.48 M�.
The ultimate goal is to understand the missing evolutionary path, indicated by a dashed arrrow.

visible outer layers of the star are relatively undisturbed and the star survives.

What happens afterwards, is that the temperature gradient of the star becomes very steep, to
the point that most of the star outside the core becomes convective. The luminosity drops to
about 100 times the luminosity of the Sun, and the star settles down into a quiescent phase
of helium burning on the horizontal branch. The star is in equilibrium again, stably burning
helium in its core and fusing hydrogen in a shell surrounding it. This is illustrated in Fig. 1.2,
where the evolutionary track of a 1.5 solar mass star is presented from the main sequence to
the RGB on the right, and continuing on the left, as a 0.48 M� helium core burning star, all
the way to the white dwarf stage.

One interesting point about the helium flash is that the highest temperature during the flash
is not in the very center of the star, but is instead in a shell at a radius containing about
three tenths of a solar mass. Neutrinos serve to carry energy away from the star. Neutrino
generation peaks in the very center, and decreases outwards. Thus the neutrino cooling is the
most efficient in the very center, resulting in a lower temperature.

Following recovery from the flash, helium burning continues further in a similar way as it
does in the higher mass stars, with a shell of hydrogen burning providing additional energy at
the core-envelope interface. From the location of low mass helium core burning stars in the
H−R diagram, we know that some mass must be lost by the star to explain the distribution
of the stars with Teff . This mass loss most likely occurs at the moment of the core flash in
response to the runaway ignition and rapid reconfiguration of the core, but could also occur
along the RGB. This post-helium flash star resides on the so-called horizontal branch (HB)
of the H−R diagram.

Where exactly the star will reside during its helium core burning on the HB depends on the
mass of the hydrogen envelope that is left above the helium core. The smaller the envelope,
the higher the surface temperature and the farther to the left the star will settle on the HB.
Consequently, stars with no hydrogen left at all will end up at the far left of the HB.
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Stars of low and intermediate masses evolve toward the white dwarf cooling sequence ei-
ther through the post-AGB/planetary nebula or through the AGB-manqué 1 stars / hot sub-
dwarfs phases. On the way they cross various instability regions, i.e. variable planetary
nebula nuclei, GW Vir stars (pulsating PG 1159 stars) and/or variable hot subdwarf B stars
(see Fig. 1.3).

1.2 Subdwarf B stars

1.2.1 General properties of subdwarf B stars

Although the discovery of the so-called ‘hot subdwarfs’ had been made already in 1950s by
Humason & Zwicky (1947), it was the first systematic study of Greenstein & Sargent (1974)
that firmly placed them on the Hertzsprung-Russell diagram. The hot subdwarf stars are
the Galactic field equivalent of the Extreme (or “Extended”) Horizontal Branch (EHB) stars
seen in some globular clusters, and they are the primary contributors to the ultraviolet excess
observed in old stellar populations. Subdwarf B (sdB) stars are found to be the dominant
population at all magnitudes comprising almost half of the objects brighter than 16th mag-
nitude found in the Palomar-Green (PG) survey (Green et al. 1986a) of stellar objects with
ultraviolet excess. Followed by the Hamburg survey (HS) and the Sloan Digital Sky Survey
(SDSS) (Stoughton et al. 2002) the catalog of sdB stars counts now up to 2 500 objects which
are listed in the Subdwarf Database (Østensen 2006).

An sdB star, from the eye of an observer, is a star with a colour of a main sequence B star,
but with much broader Balmer lines and weak, if at all present, He I absorption lines. The
optical spectra of sdB stars show weak spectral lines of only few species (see Chapter 3 and
Chapter 5). The preliminary results of the abundance analysis by Edelmann et al. (2006)
show that the light elements (C and O) are most often depleted, Fe is close to solar, while the
other Fe-group elements can be enriched. The N and Mg are on average sub-solar, while C
and Si have a large scatter for different stars. These puzzling chemical abundance patterns
found in both field and cluster EHB stars are interpreted as due to the competing effects of
gravitational settling and radiative levitation in the presence of a stellar wind. The lines in
the sdB spectra are sharp, unless a star is tidally locked in a binary, implying slow projected
rotational velocities typically ≤ 10 km/s.

That at least a fraction of sdB stars has a composite spectrum was observed already during
the PG survey (Ferguson et al. 1984). The recent radial velocity (RV) surveys (Maxted et al.
2001) confirmed that a significant fraction (60%) of sdB stars are members of a binary system
with rather short orbital periods ≤ 30 d. The fraction of short period binaries was found to be
high (40%) in the more recent ESO SPY project Napiwotzki et al. (2004), while Lisker et al.
(2005) found that 24 out of the 76 sdB spectra show composite spectra with the signature
of a cool main sequence companion of spectral type F to K, out of which none showed RV
variability. As the fraction of binaries in sdB stars is higher than for ‘normal’ stars, binary
evolution obviously has to play an important role in their formation.

The most recent low resolution, high signal-to-noise spectroscopic survey by Green et al.

1Literal translation would be ‘missing AGB’ stars.
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(2008) presents the most uniform spectroscopic picture of the sdB stars brighter than mB=14.2.
The effective temperatures and surface gravities of the observed sdBs from Green et al. (2008)
are shown in Fig. 1.4. This study clearly shows that sdB stars mostly lie within the theoreti-
cally determined start and end points for core helium burning on the EHB, namely zero-age
EHB (ZAEHB) and terminal-age EHB (TAEHB). This band lies along the convergence of
evolutionary tracks as labeled on Fig. 1.4.

According to quantitative spectral analysis by Heber et al. (1984); Heber (1986), as well as
the evolutionary calculations, e.g. Dorman et al. (1993), sdB stars are core helium burning
stars with a canonical mass of approximately 0.5M�. They have very thin, inert hydrogen
envelopes Me ≤ 0.02M� which places them on the far left end of the HB (EHB). These stars
are thought to be survivors of the core helium flash, and have a convectively burning helium
core. Their core masses lie in such a narrow range because they are fixed to the onset of the
core helium flash at the tip of the RGB. The fact that sdB stars have lost almost all of their
hydrogen, but not all of it, makes them so enigmatic from a stellar evolution point of view.
To lose that much mass, they have to suffer considerable mass loss during the RGB, most
probably during the helium core flash.

1.2.2 Formation and evolution of sdBs

The origin of the sdB stars is largely unknown. The most fundamental missing piece to our
understanding of the evolution of the sdB stars is the nature and physics behind their mass loss
(Fusi-Pecci & Renzini 1976a, see also Fig. 1.2). In order to end up this far left on the EHB
they must lose nearly all of their hydrogen at almost exactly the same phase as the helium core
has attained the minimum mass required for the helium flash to occur. Hence a single star
evolution with an extreme mass loss on the RGB has been proposed by D’Cruz et al. (1996)
as one possibility. It has been shown by Vink & Cassisi (2002) that the mass loss rates on
the HB computed from radiative line-driven wind models are not high enough to create sdB
stars. Their results show that HB winds are too weak to directly influence stellar evolution,
and cannot create sdB stars as the sole effect.

More than a decade after the first quantitative estimate of the contribution of different binary
channels to the population of sdB stars by (Tutukov & Yungel’Son 1990), it became clear
from the observations that binary evolution is indeed of great importance to the sdB formation
process. The peculiar frequency of binarity has been an important constraint on evolutionary
population synthesis theory, and has led to the acknowledgment that the binarity has to play a
key role in the formation channels for sdB stars. There are currently many competing theories
for their origin which involve several possible binary channels. Depending on the mass ratio
of the system there are several binary mechanisms proposed by (Han et al. 2002, 2003, and
references therein) as formation channels for sdB stars :

1. common envelope ejection (CEE), leading to short-period binaries with periods between
0.1 and 10 days and an sdB star with a very thin hydrogen envelope, and with a mass
distribution that peaks sharply at 0.46 M�. Depending on the secondary, a main–sequence
star or a white dwarf, the subchannels are called the first CE ejection channel and the
second CE ejection channel, respectively,
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2. stable Roche lobe overflow (RLOF), resulting in similar masses as in 1. but with a rather
thick hydrogen-rich envelope and longer orbital periods between 10 and 500 days,

3. double helium white dwarf mergers giving rise to single sdB stars with a wider distribution
of masses.

Besides the double white dwarf merger channel, viable proposed binary alternatives are:

4. a low-mass/brown dwarf merging with the primary along the common envelope phase
(Politano et al. 2008),

5. a giant planet evaporating during the common envelope phase (Nelemans & Tauris 1998;
Soker 1998),

6. stable RLOF onto a massive white dwarf, resulting in a SN explosion with a single EHB
star as a remnant (Nelemans & Tauris 1998; Marietta et al. 2000).

The population synthesis models predict a broad mass distribution from 0.3 to 0.8 M� with
the peak at the canonical mass of the helium core flash at 0.46 M� (Han et al. 2002, 2003;
Politano et al. 2008). First comparisons of the binary population synthesis models with ob-
servations pointed to some difficulties. Clearly, a detailed investigation of sdB binaries is
crucial in order to determine their masses for comparison with the theoretically proposed
evolutionary channels.

The post-CEE systems, leaving behind a close binary system, are observationally easy to
find, either from detecting the radial velocity (RV) variations from spectroscopic data or
from photometric light curve deformations, e.g. an eclipsing binary. The post-RLOF systems
are much more difficult to detect as the longer orbital periods require very long observing
time with high precision spectroscopy in order to detect the RV variations. None of the
long orbital period sdB stars has been detected to date in this way (see Chapter 6). Again,
asteroseismology can give much better precision than spectroscopy as in the beautiful case of
V391 Peg where a long term asteroseismic monitoring has been crowned by the detection of
a planet by Silvotti et al. (2007).

While the prior evolution of sdB stars is quite uncertain, their future evolution is considered to
be straightforward. Since the hydrogen envelope is too thin to sustain nuclear burning, these
stars will not go through the Asymptotic Giant Branch and Planetary Nebula phases, hence
the nick name AGB-manqué stars (Dorman et al. 1993). Instead, when their core helium has
run out, they will enter a He-shell burning phase, where they expand and heat up, making
them appear as sdO stars before they evolve directly onto the white dwarf cooling sequence.
For a thorough recent overview on hot subdwarf stars, than the one presented here, we refer
to Heber (2009).

1.2.3 Pulsating sdB stars

Observations of the HB stars revealed that some of these stars pulsate, letting us use the tools
and techniques of asteroseismology to probe their interiors. Fig. 1.3 presents the regions of
stellar instability across the H−R diagram, with the horizontal branch presented as the dotted-
solid line. There are are two types of pulsating stars crossing this region of the H−R diagram:
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RR Lyrae variables at the cool end of the HB, and pulsating sdB stars (termed sdBV in the
Fig. 1.3), which occupy a high temperature ‘tail’ of the HB, already introduced as EHB.

Figure 1.3 — Stellar pulsations across the H−R Diagram. The instability regions, where the main
classes of pulsating variables are found, are indicated. Figure courtesy of Prof. J. Christensen-
Dalsgaard.
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1.2.3.1 V361 Hya stars

The fact that some sdB stars pulsate was serendipitously discovered over a decade ago by
observers from the South African Astronomical Observatory (SAAO) during the Edinburgh-
Cape (EC) survey (Stobie et al. 1997) searching for blue stellar objects (Kilkenny et al. 1997).
Commonly called EC 14026 stars, or sdBV stars by an analogy with the pulsating white
dwarfs, they are now technically called V361 Hya stars, after the official variable star name
of the prototype EC 14026−2647. V361 Hya stars are short period, low amplitude multimode
pulsators. Typical periods are about 100−250 s with a total period range of 80−600 s and
with photometric amplitudes up to 6%. The V361 Hya stars occupy a narrow region of the
(Teff − log g) diagram with effective temperatures of Teff = 30 000 − 37 000 K and surface
gravities log g = 5.2 − 6.0.

Following the discovery, additional V361 Hya stars were soon found mostly by teams at
the SAAO, the University of Montréal and the Nordic Optical Telescope (NOT). That there
are still more V361 Hya stars to be found is witnessed by the several recently discovered
bright V361 Hya stars: EC 01541−1409 and EC 22221−3152 by Kilkenny et al. (2009) and
2M0415+0154 by Oreiro et al. (2009). This brings the number of known V361 Hya stars to
more than 40 to date.

When observed from a single site for a short interval, they usually show 2 to 3 dominant
frequencies. Longer multisite campaigns, however, reveal more complex frequency spectra
from 1 to 40 pulsation frequencies. Fig. 1.5 presents the lightcurves of nine members of the
class, where we can see clearly the multimode character of the pulsations. For a more detailed
review of the pulsating sdB stars we refer to Kilkenny (2007).

It should be noted that not all stars in this region of the (Teff − log g) plane are pulsating.
This can be clearly seen in the already discussed Fig. 1.4 which gives an overview of the
observed EHB stars. The green and red colours represent V361 Hya stars, while the small
dots without errors represent the stars observed not to pulsate. Why only some stars with
similar atmospheric parameters pulsate is still an open question.

1.2.3.2 V1093 Her stars aka “Betsy stars”

The new class of multimode sdB pulsators which oscillate on much longer timescales than
their V361 Hya counterparts, a factor of 10 longer, were discovered by Elizabeth Green only
several years after the first short sdB pulsator. Commonly seen in the literature as “Betsy
stars”, or long period sdBV stars, they are now termed V1093 Her stars after the prototype
(Green et al. 2003). The periods of this longer period pulsators range from 45 minutes to 2
hours. The peak-to-peak amplitude variations in the light curves are very low, typically not
more than about 0.2% . These rather long periods, longer than the radial fundamental mode,
were identified with high radial order gravity modes (g-modes) by Green et al. (2003).

In addition to the very different timescales, the spectroscopically determined parameters of
V1093 Her stars (Green et al. 2008) clearly show that they populate a lower temperature and
gravity domain. They are relatively cool (Teff < 30 000K) in contrast to the hotter V361 Hya
stars, and have lower surface gravities 5.4 < log g < 5.6. The observed V1093 Her stars are
indicated in magenta in Fig. 1.4.



10 Chapter 1. Introduction

Figure 1.4 — The Teff − log g diagram with the observed EHB stars indicated. Pulsating stars with
temperatures and surface gravities from the Green et al. (2008) survey are marked with big filled circles
with error bars. The stars not observed to pulsate are indicated with small dots without errors. The
green and red colours represent V361 Hya stars, with and without published asteroseismic solution
respectively. The V1093 Her stars are presented in magenta with the hybrid pulsators being blue. Figure
taken from Østensen (2009).

The strongest long-period variables also show the characteristic beating effect of multiple
modes with close periods. The fraction of sdB stars exhibiting long-period light variations
is surprisingly high: roughly 75 % of sdB stars cooler than 30 000 K, or 25-30 % of all
sdB stars, in further contrast to the V361 Hya stars which comprise less than 5 % of all sdB
stars. Although at least 30 V1093 Her stars were detected by now, the long pulsation periods
and extremely low amplitudes require long dedicated campaigns with high precision which
explains why only few stars were analysed so far.

1.2.3.3 Hybrid pulsators

Recently Schuh et al. (2005, 2006) discovered that a known V361 Hya star, DW Lyn (also
known as HS 0702+6043), exhibits pulsations on both time scales, short as a typical V361 Hya
star and at the same time long pulsations typical to those of V1093 Her stars. Soon after-
wards it was realised that two other known pulsators with similar temperatures to DW Lyn
also exhibits such hybrid pulsations, as reported for V391 Peg (known as HS 2201+2610) by
Lutz et al. (2008) and Balloon 090100001 by Oreiro et al. (2005). The three hybrid sdB pul-
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sators are shown in blue in Fig. 1.4. These three stars form a close group lying at the tempera-
ture boundary of the two classes, the V361 Hya and V1093 Her stars, at about Teff = 30 000 K.
The distribution of these stars in the (Teff − log g) plane suggests that their longer pulsations
might be related to thicker hydrogen envelopes. Similar types of hybrid pulsators are known
to exist in the partially overlapping regions of the βCep / SPB stars which resemble the
p/g-mode sdB pulsators in many ways. Also, in the less closely related group of stars δSct /

γDor hybrid pulsators are observed. For a thorough discussion of such hybrid main-sequence
pulsators, we refer to Aerts et al. (2009).

1.2.3.4 Asteroseismology of pulsating sdB stars

Asteroseismology2 is the science that studies the internal structure of pulsating stars by the in-
terpretation of their frequency spectra, just as geoseismology studies the interior of the Earth
by analysing the earthquake oscillations. More precisely, it is the study of normal modes
of pulsations in stars that display large numbers of simultaneously excited modes. Different
oscillation modes penetrate to different depths inside the star. Hence, these oscillations pro-
vide valuable information about the otherwise unobservable interiors of stars. Among other
physical quantities such as, effective temperature, Teff , surface gravity, log g and metallicity,
seismic modelling determines two most important stellar quantities for sdB pulsators: the to-
tal mass of the star, M∗ and the mass of its envelope Me. While the M∗ can also be determined
by other means in rare cases, e.g. if the star is in an eclipsing binary (see Chapter 3), aster-
oseismology is in fact the only tool that allows us to measure the thickness of the envelope
of a star. Even though the atmospheric quantities, such as effective temperature, Teff , surface
gravity, log g and metallicity can be derived through the analysis of optical stellar spectra, the
seismic models have the potential to give a factor 10 better precision.

The existence of pulsating sdB stars was theoretically anticipated by Charpinet et al. (1996)
at about the same time the first such star was discovered (Kilkenny et al. 1997). Further theo-
retical analysis by Charpinet et al. (1997) showed that the opacity bump caused by Fe-group
elements in the thin envelope is responsible for driving the pulsations via the κ mechanism.
The κ mechanism, is a well known pulsation driving mechanism in other stars across the H−R
diagram (e.g. Cepheid variables, RR Lyrae, δSct, βCep, white dwarf stars, etc.; see Fig. 1.3).
For the instability to occur, the opacity in the driving layers must increase during the com-
pression phase, to block some of the outward radiation. During the later expansion stage of
the pulsation, this energy is then released with just enough delay to reinforce the expansion.
Because the periods of pulsations of V361 Hya stars are of the order of, and shorter, than
the radial fundamental, these pulsations are attributed to low order and low degree pressure
modes (p-modes).

The same κ mechanism, due to the opacity bump caused by the ionisation of Fe-group ele-
ments, has been invoked by Fontaine et al. (2003) to explain the driving mechanism for the
pulsations in V1093 Her stars. While the models predict high-order g-modes with periods
close to the observed ones, the theoretical instability strip is much too cool for the observed
one, by about 5 000 K. The so-called “blue edge” problem has been reconciled by considering

2Etymology: asteroseismology comes from a combination of three Greek words aster: meaning a star, seismos:
meaning a tremor and logos: meaning reasoning or discourse (Gough 1996).
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an enhancement of nickel, in addition to that of iron, in the driving zone, and by using the
Opacity Project (OP, Badnell et al. 2005) instead of OPAL (Iglesias & Rogers 1996) opaci-
ties, as shown by the recent work of Jeffery & Saio (2006, 2007). This clearly demonstrates
the need of a detailed treatment with the inclusion of other Fe-group elements in the diffu-
sion calculations as well as using the updated opacities from OP. The effects of the opacity
problem are also seen in the βCep and SPB stars (e.g. see Miglio et al. 2007). The hybrid pul-
sators are therefore naturally excellent objects to test the adequacy of the opacity tables. An
improved treatment of the excitation of p and g-modes in sdB stars is provided in Hu (2009).

To reach the ultimate goal of asteroseismology, that is, to determine the stellar mass and the
envelope mass we need to have a unique asteroseismic model. This requires accurate pul-
sation frequencies and an unambiguous identification of the modes of oscillation (spherical
wavenumbers ` and m). Thanks to multisite campaigns, mostly by the Whole Earth Telescope
(WET3) devoted to resolving the frequency spectrum of these group of stars, among others,
in the last decade, we do have extensive and reliable frequency lists for several V361 Hya
stars. However, the empirical mode identification for any of those stars is still lacking. As a
consequence, all seismic models of sdBs, that have been done to date, are based on frequency
matching which delivers good matches in a χ2 sense (Charpinet et al. 2007) but, in fact, highly
degenerate solutions in the complex input parameter space of the stellar models. This fre-
quency (or period) matching method, so-called ‘forward approach’, consists of determining
the optimal model in the four parameter space of the fundamental stellar parameters, namely
Teff , log g, M∗ and envelope mass fraction q(H), so that the minimisation procedure finds the
model that best matches the observed periods. The ‘forward approach’ has been applied to ten
V361 Hya stars. For some applications, see Randall et al. (2007), van Grootel et al. (2008),
van Spaandonk et al. (2008) and Charpinet et al. (2008). While the results are well within
the allowed domains of the synthetic populations calculated by Han et al. (2002, 2003) there
are still some challenging issues remaining to be addressed. One of the inevitable problems
is that the accuracy with which the theoretical frequencies are computed is far lower (more
than a factor of 10) than the accuracy at which the pulsation frequencies of V361 Hya stars
are determined with the current observations (Charpinet et al. 2007). In all these studies, the
sdB pulsators have been considered as single ZAEHB stars, ignoring their evolutionary path.
Clearly an independent detailed seismic study of a real subdwarf B star, fully evolved from
the ZAMS to the EHB, from different formation channels, with accurate models whose nu-
merical precision is well above the expected observational errors is needed. Such comparison
studies, using independent stellar evolution and pulsation codes, have been done for stars on
the main sequence (Lebreton et al. 2008; Moya et al. 2008), yet no similar alternatives exist
for evolved stars. For a detailed review on asteroseismology of sdB stars we refer to the
recently published overview by Østensen (2009).

From the observational point of view, the picture is quite different. While we do have accu-
rate frequency spectra with a good enough resolution for quite a few sdB pulsators, a secure
mode identification for any of those stars has not been achieved to date. Empirical mode iden-
tification can be achieved essentially in two ways: from the amplitude ratio method in mul-
ticolour photometric data (e.g. Dupret et al. 2003; Randall et al. 2005) and from line-profile
variations in high-resolution spectroscopic data (e.g. Aerts & Eyer 2000). The faintness of
sdB pulsators, with B magnitudes between 12 and 18, their low pulsation amplitudes cou-

3http://wet.physics.iastate.edu/
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pled to the complex frequency spectra with very short oscillation periods of the order of few
minutes, pose a considerable challenge for any empirical mode identification even with the
biggest telescopes available.

1.3 Outline of the thesis

To be able to use the valuable information from pulsating sdB stars to tune the formation sce-
narios of the whole sdB class, via asteroseismology, we need to have evolutionary models for
sdB stars, evolved all the way from the ZAMS to the EHB, and to compare their pulsational
properties for a number of different configurations with the observed pulsational properties
of sdB stars. This ambitious goal is an elegant blend of two separate studies: a theoretical
study and an observational study. For the theoretical work we refer to the PhD Thesis of Haili
Hu (2009).

The work presented in this Thesis is devoted to the observational study of three carefully
selected sdB stars. As our prime goal is to tune the evolution formation scenarios, we chose
pulsating stars that are possible outcomes of each of the proposed evolutionary channels :
a member of a close binary, a member of a wide binary and a single sdB star. High-speed
multicolour ULTRACAM photometric observations were collected for the three selected stars
and used to study the multicolour behaviour aiming at empirical mode identification of the
highest amplitude modes present. High-resolution time-resolved spectroscopic data were
collected for one V361 Hya star and analysed to study the pulsational signal in the line-profile
variations.

In Chapter 2 we present the study of the first target, a single V361 Hya star, PG 0014+067
(EK Piscium). We fully exploit the WET white light data in conjuction with the multicolour
ULTRACAM data to derive the accurate pulsation frequency spectrum of PG 0014+067.
These studies were initiated and performed before the start of our PhD project, but the inter-
pretations of the observations constituted our activity for the PhD Thesis. This joint analysis
did not confirm the rotational splitting of the close doublets found in a previous study, while
it further confirmed the systematics seen in the frequencies from the WET data set alone.

Chapter 3 is devoted to the second target we tackle - the only V361 Hya star known to be
in a short-orbit eclipsing binary, namely PG 1336−018 (NY Virginis). By combining the
multicolour photometric and spectroscopic data obtained at two units of the 8-m Very Large
Telescope (VLT) we derive the orbital solutions for this eclipsing binary. As the UVES/VLT
spectra of PG 1336−018 were not of enough signal-to-noise for investigating the heated side
of the secondary star, we extended this work to study a similar, short-orbit binary system :
AA Doradus which is presented in Chapter 4. The irradiated face of the secondary component
in AA Dor is clearly detected with more than 20 narrow emission lines present in the spectra.

In Chapter 5 we study in detail the line-profile variations of PG 1336−018. After the dominant
radial velocity component inherent to the orbital motion, as found in Chapter 3, has been
removed from the spectra we detect the pulsation signal of the primary in the line-profile
variations of PG 1336−018. We model the pulsational perturbations of synthetic spectra for a
star with similar physical parameters and confront them with the observed diagnostics. This
is the very first exploratory time-resolved high-resolution spectroscopic study of a pulsating
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sdB star to date.

In Chapter 6 we present the first multicolour photometric study of PB 8783 (EO Ceti), a
third pulsating target of our study, obtained with the ULTRACAM instrument attached to
the 4.2-m William Herschel Telescope. We analyse the multicolour behaviour of the highest
amplitude pulsations observed in the complex frequency spectrum of PB 8783 and find that
their amplitudes and phases show time variability in all colours. The calculated amplitude
ratios, though, are constant which is promising as it will allow us to further constrain the
mode identification by comparing them with theoretically calculated amplitude ratios.

The overall conclusions and remaining questions to be addresses in the future are given in
Chapter 7.
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Figure 1.5 — The light variations of several prototypical V361 Hya stars. The amplitude is given on
the vertical scale as the fractional variation of the light from the mean. The individual light curves are
shifted vertically for better visualisation. Figure courtesy of Dr. Michael D. Reed.
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Chapter 2
The Whole Earth Telescope
observations of EK Piscium

This chapter on PG 0014+067, now officially named EK Psc is published as

Whole Earth Telescope observations of the
pulsating subdwarf B star PG 0014+067

M. Vučković, S. D. Kawaler, S. O’Toole, Z. Csubry, A. Baran, S. Zola, P. Moskalik, E. W. Klumpe,
R. Riddle, M. S. O’Brien, F. Mullally, M. A. Wood, V. Wilkat, A. -Y. Zhou, M. D. Reed,

D. M. Terndrup, D. J. Sullivan, S. -L. Kim, W. P. Chen, C. -W. Chen, W. -S. Hsiao, K. Sanchawala,
H. -T. Lee, X. J. Jiang, R. Janulis, M. Siwak, W. Ogloza, M. Paparó, Zs. Bognár, Á. Sódor,

G. Handler, D. Lorenz, B. Steininger, R. Silvotti, G. Vauclair, R. Oreiro, R. Østensen, A. Bronowska,
B. G. Castanheira, S. O. Kepler, L. Fraga, H. L. Shipman, J. L. Provencal, D. Childers,

The Astrophysical Journal, Volume 646, Issue 2, p. 1230-1240

Abstract: PG 0014+067 is one of the most promising pulsating subdwarf B stars for seismic
analysis, as it has a rich pulsation spectrum. The richness of its pulsations, however, poses
a fundamental challenge to understanding the pulsations of these stars, as the mode density
is too complex to be explained only with radial and nonradial low degree (` < 3) p-modes
without rotational splittings. One proposed solution, suggested by Brassard et al. (2001) for
the case of PG 0014+067 in particular, assigns some modes with high degree (` = 3). On the
other hand, theoretical models of sdB stars suggest that they may retain rapidly rotating cores
(Kawaler & Hostler 2005), and so the high mode density may result from the presence of a few
rotationally–split triplet (` = 1), quintuplet (` = 2) modes, along with radial (` = 0) p-modes.
To examine alternative theoretical models for these stars, we need better frequency resolution
and denser longitude coverage. Therefore, we observed this star with the Whole Earth Telescope
for two weeks in October 2004. In this paper we report the results of Whole Earth Telescope
observations of the pulsating subdwarf B star PG 0014+067. We find that the frequencies seen
in PG 0014+067 do not appear to fit any theoretical model currently available; however, we find
a simple empirical relation that matches all of the well-determined frequencies in this star.
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2.1 Introduction

Even though stellar evolution is one of the most mature areas in theoretical astrophysics,
there are still phases in the life of an ordinary star (like our Sun) that are not well understood.
We have a nearly continuous evolutionary path of a low massive star all the way from its
birthplace, a protostellar cloud, to its graveyard, with few gaps in our understanding. How-
ever, at least one major gap remains: the core helium flash that initiates helium core burning.
Unlike most phases of stellar evolution, the flash itself occurs in a matter of minutes rather
than millions of years. It is essentially a massive runaway nuclear reaction near the center of
the star that releases a huge amount of energy on a short time scale. Despite ignition on a
dynamical time scale, apparently this event does not make the star explode, because we do
see stars that are clearly survivors of this process. Post helium core flash objects are identified
with horizontal branch stars in globular clusters, and their field counterparts.

At the extreme blue end of the horizontal branch, subdwarf B (sdB) stars are survivors of the
core helium flash that have a small hydrogen rich envelope surrounding the helium–burning
core. According to evolutionary calculations, for example those by Dorman et al. (1993),
sdB stars are core helium burning stars with a canonical mass of M ≈ 0.5 M� and a very
thin, inert hydrogen envelope with MH

M∗
∼ 0.0004 which places them on the hot end of the

horizontal branch (HB), the so-called extreme horizontal branch (EHB). The fact that sdB
stars have lost almost all of their hydrogen layer is what makes them so enigmatic from the
stellar evolution point of view. To lose that much mass, they have to suffer a considerable
mass loss during the RGB and most probably during the helium core flash.

Details of the origin of the sdB stars are largely unknown. There are currently many compet-
ing theories for their origin which involve several possible channels. These include single star
evolution with an extreme mass loss on the RGB (D’Cruz et al. 1996), or different binary in-
teractions: common envelope binary evolution (Mengel et al. 1976), stable Roche lobe over-
flow (Han et al. (2002, 2003) and references therein), or merging of two helium white dwarfs
(Iben 1990).

The most fundamental missing piece to our understanding of the evolution of the sdB stars
is the nature and physics behind their mass loss (Fusi-Pecci & Renzini 1976b). To end up
on the EHB they must lose nearly all of their hydrogen at almost exactly the same phase
as the helium core has attained the minimum mass required for the helium flash to occur.
By exposing the interior properties of these survivors we can learn how the stars manage to
survive this event of unstable helium ignition and plug this gap in the story of stellar evolution.

Luckily, some of these stars pulsate, letting us therefore use the tools and techniques of
asteroseismology to probe their interiors. Discovered by Kilkenny et al. (1997), the pulsating
sdB stars (officially designated V361 Hya stars, but also called sdBV stars by analogy with
the pulsating white dwarfs) are short period, low amplitude multimode pulsators. Typical
periods are about 100-250s with an overall period range of 80-600s. The pulsation amplitudes
are generally less than a few hundredths of a magnitude. The short periods, being of the order
of, and shorter, than the radial fundamental mode for these stars, suggest that the observed
modes are low-order, low-degree p−modes (Charpinet et al. 2000).

The rapidly pulsating sdB stars occupy a region in the log g − Teff plane with effective tem-
peratures of Teff = 29 000 - 36 000 K and surface gravities log g = 5.2 - 6.5. Many of
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the high gravity pulsating sdB stars show complex pulsations that require a large number
of modes. Radial modes alone are not enough to explain the complex light curves of these
stars, therefore nonradial modes must also be present (Kawaler 1999; Kilkenny et al. 1999;
Charpinet et al. 2000).

Among the sdBV stars, PG 0014+067 stands out as one of the richest pulsators. It was
found to be an sdBV star in June 1998 (Brassard et al. 2001). While close binaries like
KPD 1930+2752 (Poindexter et al. 2003; Geier et al. 2007) and lower-gravity sdB pulsators
like PG 1605+072 (Kilkenny et al. 1999) can show dozens of modes, PG 0014+067 is a
higher gravity single sdB star that shows a large number of nonradial modes, with at least
sixteen reported in the discovery paper. Periods range from 80 to 170 seconds. It is a “typi-
cal” sdBV star with an effective temperature of Teff = 33 310K and log g = 5.8 (Brassard et al.
2001). The richness of its pulsation, however, makes it a star of vital interest to the study of
sdBV stars and, by extension, the entire hot horizontal branch phenomenon. The rich mode
density in PG 0014+067 poses a fundamental challenge to understanding the pulsations of
these stars, as there are not enough radial and nonradial modes with low degree ` (` < 3)
to account for all of them (without rotational splitting). Low degree nonradial modes have a
limited frequency distribution which implies that we need to resort to higher values of ` to
account for all of the observed periodicities. That presents further challenges, as geometri-
cal cancellation increases rapidly with ` so that higher ` modes need to have a much larger
intrinsic amplitude than low ` modes to reach the same observable amplitiude.

One proposed solution, by Brassard et al. (2001), presents an envelope structural model that
approximates their determined pulsation frequencies with p-modes of degrees 0, 1, 2, and 3.
Their resulting seismic model provides an estimate of the mass of PG 0014+067 of 0.49 ±
0.02 M� and, in addition, matches the observed spectroscopic parameters, and places strict
limits on the thickness of the surface hydrogen layer.

Another possible explanation for the mode density in PG 0014+067 comes from theoretical
calculations of the evolution of stars on the red giant branch, and the subsequent structure on
the horizontal branch. These models show that stars can develop a rapidly rotating core on
the red giant branch, and then preserve that core on the horizontal branch. If that is the case,
then certain modes of pulsation in sdBV stars could show large rotational splitting - much
larger than suggested by the (slow) surface rotation velocity. Models by Kawaler & Hostler
(2005), in particular point out that rotational splittings of low order ` = 1 and ` = 2 modes can
cause sufficient frequency peaks in the observed range provided that the stellar core rotates
much faster than its surface. These models show rotational splitting that can vary by factors
of two or more from one mode to the next. If that is the case in PG 0014+067, then it could
sufficiently complicate the observed mode spectrum with modes of `=0, 1, and 2 alone.

The only published observations of PG 0014+067 are single-site data from Brassard et al.
(2001), who have observed this star using the 3.6 meter Canada-France-Hawaii Telescope
(CFHT) during five consecutive nights (1.9h average run length) in June 1998. These data
show that the oscillation spectrum is complex, but being single-site data they suffer from
severe one cycle per day aliases making the frequency identification rather difficult.

To fully exploit this star we need to determine, unambiguously, the oscillation frequencies
present. This can be achieved only by extended longitude coverage with a sufficient fre-
quency resolution to be able to resolve the real pulsations from the inevitable one cycle per
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day aliases. With a secure set of oscillation frequencies, we can critically examine the pro-
posed theoretical models for these stars without concern for fitting artifacts caused by diurnal
aliasing instead of true oscillation modes. PG 0014+067 was selected as the primary target for
a Whole Earth Telescope (WET) campaign, held in October 2004. In this paper, we present
the results of this multisite campaign. In Section 2.2 we present the observations followed by
a review of the data reduction procedure. In Section 2.3, we report on the frequency analysis
of the WET data set on PG 0014+067, and we discuss the results in Section 2.4 along with
the plans for future work.

2.2 Observations

PG 0014+067 was a primary target during the 24th WET run, Xcov24, held in 2004. Being
a faint star, with V ≈ 16.5, and a low amplitude pulsator - most modes have amplitudes
below 2 mmag - we sought larger than average (≥2 meter class) telescopes distributed around
the Earth. Time was allocated to five such telescopes (> 2m) that were well-distributed in
longitude. Observations spanned two weeks centered around New Moon from October 7-
21, 2004. With a right ascension near 0h, and a near–equatorial declination of +7 degrees,
PG 0014+067 was equally accessible from both Northern and Southern Hemisphere sites
during this time of the year. As a contingency, smaller telescopes (< 2 m) with CCD detectors
were included to minimize the gaps in the data and to simplify the alias pattern of our spectral
window. Together with 13 smaller telescopes, 18 sites participated in this campaign.

Unluckily, non-photometric conditions all over the globe during the main campaign resulted
in less-than-ideal coverage. Table 2.1 lists all the observations gathered during Xcov24 on
PG 0014+067. As can be noticed from the log of the observations given in Table 2.1, much
of the data did not come from our bigger telescopes (> 2m), because of the bad weather
conditions, but from moderate size ones (between 1m and 2m). The 1.0 m telescope at
Lulin Observatory in Taiwan contributed data on six nights. An additional four nights of
high–quality data came from the Bohyunsan Optical Astronomy Observatory (BOAO) 1.8m
telescope in South Korea. Also, surprisingly good data were obtained by the SARA 0.9m
telescope at KPNO, given the relatively small size of the telescope. Despite the terrible
weather and some unexpected instrumental problems we had during Xcov24, the two week
core campaign resulted in about 180 hours of data on the primary target, yielding a duty cycle
of about 58 %. The WET run on PG 0014+067 spans two weeks which results in a formal
frequency resolution of ∆ν = 0.9 µHz.

The telescopes used for the primary target range in aperture from 0.9m to 2.56m. Data from
NAOC (China), Moletai Observatory (Lithuania) and Pic Du Midi (France) were obtained
using three-channel PMTs as described by Kleinman et al. (1996). Exposure times were 5
seconds for 2m telescopes (China and France) and 10 seconds for the 1.65m telescope in
Lithuania. Channel 1 measured the program star, channel 2 measured a local comparison
star and the third channel simultaneously recorded sky background. All PMT photometric
observations were taken in white light to maximize the photon count rate.

All other data were obtained using CCDs (see column Instrument of Table 2.1). For the CCD
measurements, exposures ranged from 5-15 seconds depending on the size of the telescope.
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Table 2.1 — Journal of observations of PG 0014+067 in October 2004.
Run name Telescope [m] UT DateStart [UT]Duration [hrs]Instrument
mdr275∗ MDM 1.3 05 08:55:15 2.10 CCD
teide-10072004∗ Tenerife 0.8 08 02:36:40 0.55 CCD
sara213 SARA 0.9 08 02:47:59 8.74 CCD
PG0014 08oct04 Loiano 1.5 08 19:24:50 5.50 CCD
sara214 SARA 0.9 09 01:58:59 9.20 CCD
PG0014 09oct04∗Loiano 1.5 09 19:45:09 1.44 CCD
PG0014 10oct04 Loiano 1.5 10 19:09:20 6.35 CCD
lulin-0001 Lulin 1.0 11 11:10:35 8.35 CCD
041012A NAOC 2.16 12 12:27:00 7.50 PMT
korea-001 BOAO 1.8 12 13:02:10 5.45 CCD
korea-002 BOAO 1.8 13 10:19:20 5.32 CCD
041013A∗ NAOC 2.16 13 11:27:22 8.50 PMT
lit-01 Moletai 1.56 13 21:49:20 4.65 PMT
france-01∗ Pic Du Midi 2.0 13 20:50:00 2.85 PMT
041014A NAOC 2.16 14 11:23:30 8.49 PMT
korea-003 BOAO 1.8 14 10:55:16 7.27 CCD
lit-05 Moletai 1.56 14 19:00:10 7.37 PMT
korea-004 BOAO 1.8 15 10:19:00 7.75 CCD
A0934 McDonald 2.1 15 06:26:07 2.65 CCD
NOT-001 NOT 2.6 15 19:55:23 4.32 CCD
NOT-002 NOT 2.6 16 00:19:52 4.87 CCD
lulin-0008 Lulin 1.0 16 12:34:26 6.45 CCD
NOT-003 NOT 2.6 16 19:43:22 8.37 CCD
rkb1∗ LNA 1.6 17 02:25:04 3.15 CCD
A0939 McDonald 2.1 17 05:19:58 1.04 CCD
A0940∗ McDonald 2.1 17 07:32:18 1.32 CCD
lulin-0010 Lulin 1.0 17 11:36:36 7.51 CCD
maja10182004 KPNO 2.1 18 09:06:40 1.78 CCD
lulin-0012 Lulin 1.0 18 10:50:02 3.10 CCD
041018B NAOC 2.16 18 13:47:00 5.88 PMT
maja10192004 KPNO 2.1 19 05:19:40 3.40 CCD
lulin-0015 Lulin 1.0 19 10:43:11 8.33 CCD
maja10202004 KPNO 2.1 20 02:11:20 3.18 CCD
maja10202004b KPNO 2.1 20 09:39:40 0.93 CCD
lulin-0016 Lulin 1.0 20 11:35:48 7.35 CCD
hungary-007∗ Konkoly 1.0 20 18:09:56 1.56 CCD

∗ not used because of low signal-to-noise.

As the readout times differ from chip to chip and were quite long for some sites, observations
were made in the “windowed” mode, i.e. only a portion of the chip was read out to minimize
the cycle time, making sure there were always at least two comparison stars in the frame.
Observations from McDonald observatory and LNA were made in the frame transfer mode.
The actual CCD frames at every individual site were never bigger than 5 x 5 arc minutes
centered around the target. The number of comparison stars depended on the size of this
window, having from two to six comparison stars in the frame. In this way, consecutive
data points were obtained in 5 to 25 s intervals, depending on the instrument. Data from
McDonald and KPNO used BG 40 filters and data from NOT used a W#92 filter. Together
with the science frames, each night of observation included calibration images (bias, dark
and flat field frames).
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Preliminary, “on the fly” data reduction was done during the campaign at a central head-
quarters (at Iowa State University). Since the WET collaboration does not operate with a
standard CCD photometry extraction package, raw CCD frames were pre-reduced (overscan,
bias, dark, flat filed corrected) by the observers using their own software immediately af-
ter the run, and the first-look photometry was sent to the headquarters (HQ) in the standard
WET/XQED format. Incoming data were further reduced at HQ using the WET software
XQED (Riddle 2003). These preliminary reductions were used during the course of the run
to allocate telescopes between the primary target and secondary targets, and for preliminary
analysis of the pulsation spectrum of PG 0014+067. For this paper, all the data were carefully
re-reduced by the lead author from the original CCD frames.

For the PMT data, reduction followed standard WET procedures. After the proper dead
time correction, the sky background (channel three) was subtracted both from the target and
from the comparison star point by point. When necessary, the variable star data were then
divided by the comparison star to correct for transparency variations. To correct for any low-
frequency variations caused by seeing and differential color extinction, the resulting light
curve was then fitted with a low order polynomial. Bad points, coming from either electronic
noise, guiding errors or clouds, were removed by hand. Finally, the light curve was mean
subtracted leaving only the fractional variations from the mean (ma = ∆I/I) and a barycentric
correction to the exposure mid-times was applied giving the times of the data points projected
to the barycenter of the solar system.

For our final reduction, the raw CCD data were reduced using the IRAF CCDPROC package
and the reduction comprised correction for bias, dark counts and flat-field. Further photomet-
ric measurements (aperture photometry) on these reduced frames were made using the PHOT
package. After carefully examining the extracted aperture photometry for a set of different
apertures for each observation, the aperture that gave the best signal-to-noise ratio was used.
The apertures that typically gave the optimal signal-to-noise ratio in the resulting light curve
had a radius of ≈1.75 times the FWHM, with the surrounding annulus to determine the local
sky level. In this way each star in the frame has its own corresponding sky channel. The
aperture photometry measurements derived in this way were then imported into XQED. The
resulting light curves, showing a fractional variation of the intensity of light as a function of
time are presented in Fig. 2.1.

2.3 The frequencies of PG 0014+067

Combining all the light curves described in the previous section (Fig. 2.1) we computed the
Fourier transform (FT) to deduce the periodicities present in the data. To optimize the number
of detected intrinsic frequencies present in the total light curve, gathered with the different
aperture telescopes (from 0.9m-2.56m), we weighted the data using the weighting scheme
favored by Handler (2003). Weights are determined for individual runs, with the weight for a
run taken as inversely proportional to the mean point-to-point scatter within the run. However,
to some degree, weighting inflates the amplitude of the daily aliases and widens the peaks.
Consequently, weighting may affect the ability to resolve closely spaced peaks. Bearing this
in mind weighted data were used to expose and identify periodicities, but the frequencies,
amplitudes and phases of the individual peaks were determined using the ‘unweighted’ data.
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Time [hours UT]
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Oct 20

  Xcov24 Lightcurve:  PG0014+067   

Figure 2.1 — Light curve of PG 0014+067 obtained during Xcov24. Each panel spans 24 hours, on the
UT date indicated. Different density of data points comes from several factors: overlapping of the data,
different sampling time and different signal-to-noise ratio.

The weighted FT of the full data set on PG 0014+067 gathered during Xcov24 is depicted in
Fig. 2.2 showing the ‘modulation amplitude’, in units of mma= ma/1000, where ma=∆I/I,
of variations in the detected intensity I at a given frequency.

To see the effect weighting has on the amplitude spectrum we have calculated the spectral
window for the weighted and unweighted data. Fig. 2.3 shows the spectral window of the
whole WET run on PG 0014+067 in both cases. The central peak in the plot corresponds to
the input frequency of a single sinusoid; all other peaks are aliases caused by the gaps in the
data set.

2.3.1 Frequencies found in the Xcov24 data

As can be clearly seen in Fig. 2.2, the main action is concentrated in a very narrow fre-
quency range. It appears as if all the power is distributed into two to three modes around the
7000 µHz with maximum intensity variations of ∼ 3 mma. This is a typical signature of a low
amplitude sdB pulsator (Kilkenny 2002). Fig. 2.2 confirms that there are no frequencies with
amplitudes above the mean noise level at higher frequencies, up to the Nyquist frequency
( fN ≈ 30000 µHz). Therefore, we can securely focus our analysis on the narrow region of the
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Figure 2.2 — Weighted Fourier transform (amplitude spectrum) of the complete WET data set on
PG 0014+067.

main power. The spectral region above 20 000 µHz is not plotted as it contains no additional
information.

Fig. 2.4 expands the FT of the entire data set around the region of the main power, 5000 −
10000 µHz. The solid white line in Fig. 2.4 corresponds to the noise level, σnoise, the cor-
responding red (dark) line represents 3 times the noise level, 3σnoise, while the blue (top)
line represents 3.7 times the noise level, 3.7σnoise. The noise in the power spectrum is cal-
culated by averaging the amplitudes around each frequency in a wide frequency range. For
our criterion determining which peaks are “real” signals in the power spectrum, we adopt a
conservative significance threshold at 3.7σnoise. Kuschnig et al. (1997) estimate that this re-
sults in a 99 per cent confidence limit. The 3σnoise threshold is adopted by others as sufficient
(Brassard et al. 2001; Metcalfe et al. 2005; Charpinet et al. 2005b) which would correspond
to 80 per cent confidence limit (Kuschnig et al. 1997). Hence, for comparison we show this
lower threshold line (given in red) in the figures.

Although the amplitude spectrum (Fig. 2.2) does not appear very complex, attempts to deter-
mine the underlying variations by prewhitening reveal that this star indeed has a complicated
pulsation spectrum. After identifying the highest amplitude peak in the (computed) weighted
power spectrum of the original data set, we went back to the unweighted FT to confirm the
periodicity. We then removed this peak from the data by subtracting a sine wave with the fre-



2.3. The frequencies of PG 0014+067 25

unweighted unweighted

-100 0 100

weighted

-40 -20 0 20 40

weighted

Figure 2.3 — Spectral window for the PG 0014+067 WET data set. The expanded frequency range on
the left displays the impact of the data sampling on the noise well beyond the 1 d−1, while the closer
view on the right shows the details of the alias pattern. Both cases (top and bottom) sample a noise-free
sinusiod; the weights for the data were applied to the sinusoid to compute the window patterns shown
in the bottom panels. The vertical amplitude scale is amplitude (in arbitrary units).

quency, amplitude and phase determined by non-linear least-squares fit (NLLS) from the light
curve. In our NLLS fits, we use Tmax, the time of first maximum after To= 21 August 2004
0hUT, for the phase variable. We calculate the power spectrum of the residuals (light curve
of the entire data set with this sinusoid removed). Then we looked at this “prewhitened”
weighted FT to find the next highest peak and repeated the procedure. We determined the
values of frequencies step by step, carefully checking whether new frequencies affected the
other values and calculating a simultaneous n- frequency fit to the data until no new peaks
could be identified with significance (with amplitude above 3.7σnoise).

Fig. 2.5 illustrates this procedure. It shows the spectral window centered at 7000 µHz in the
top panel, and the FT of the entire data set in the region around the highest amplitude peaks
in the next panel. The FT, prewhitened by the two highest peaks, f1 = 7088.67 µHz with an
amplitude of 3.0 mma and f2 = 6826.06 µHz with an amplitude of 2.4 mma, is presented at
the third panel from the top of Fig. 2.5. The highest amplitude peak f1 appears to have fine
structure, since significant power remains above the 3.7σnoise level (blue/top solid line) after
removing the highest peak at 7088.67 µHz. Two additional closely spaced peaks are present
at frequencies f3 = 7091.0 µHz and f4 = 7091.7 µHz with amplitudes of 1.2 mma and 1.1
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Figure 2.4 — Weighted FT of the PG 0014+067 WET data expanded to the region of the most power.
The mean noise level σnoise (white line), 3σnoise (red line), and 3.7σnoise (blue) are indicated.

mma, respectively. Even though this frequency difference is formally unresolvable given our
frequency resolution of 0.9 µHz, both of these modes are easily found by the NLLS fit to
the data. Furthermore, all the power above the 3σnoise level (red/lower solid line) is gone
after prewhitening the data with those three peaks, bottom panel of Fig. 2.5. The peak at
6826.06 µHz is cleanly removed by a single frequency prewhitening step.

In the extended observations of sdBV stars it has been detected that the individual pulsation
frequencies have amplitudes that vary in time. Such frequencies could introduce spurious
peaks in the FT as both the Fourier analysis and the prewhitening assume constant amplitude.
Therefore we checked for the amplitude and the phase variability of the two highest amplitude
periodicities ( f1 and f2) as we were able to resolve them in each individual run. The peak at
7088.67 µHz appears to vary both in amplitude and in phase. The amplitude and phase of the
f2 mode does not appear to be changing throughout the run. The errors on amplitudes and
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phases for some runs are too high to allow us to make any claims. All that can be said is that
there is a possibility of a periodic change in amplitude and phase for the f1 frequency with a
period of roughly five days, and that the frequency at f2 appears to be stable both in amplitude
and in phase over the run. Fig. 2.6 shows the behavior of the phase (Tmax) and amplitude of
f1 and f2. This figure shows the amplitude and phase of individual long runs; we grouped
nearby short runs to reduce the phase and amplitude uncertainties when necessary.

The variability we see in f1 can be the intrinsic amplitude variability of the mode or it can
be caused by beating of two or more closely spaced frequencies. While the correct answer
is impossible to give within the frame of the current time-series techniques, all the clues of
our analysis point toward attributing the amplitude variability in f1 to the beating of closely
spaced frequencies. If this was a stochastic amplitude variation, the signature in the Fourier
transform would mimic two or more closely spaced modes of similar amplitude, and com-
plete removal with a single sinusoid in the prewhitening process would not be appropriate.
Therefore, the beating of closely spaced frequencies is the most probable cause of the ampli-
tude variability we see in f1 as it is consistent with the fine structure of two additional closely
spaced frequencies we found in the data.

The next highest peak in the FT is at 7289.0 µHz. Fig. 2.7 displays this region of the frequency
domain, showing the FT of the data before (top) and after (bottom) removing this periodicity,
with the parameters determined by the NLLS fit to the data. Although there is some power
left above the 3σnoise level (red/lower solid line) NLLS cannot satisfactorily converge on the
parameters of these low amplitude peaks. Hence, prewhitening stops here for this region, but
we do list the highest residual peak in this range as a possible real frequency in Table 2.3.

Fig. 2.8 shows the region of the next highest power; the top panel shows the residual FT
after the five highest peaks have been removed ( f1 to f5). The highest power (amplitude)
peak on the upper plot appears as a single peak of about 0.9 mma. Detailed NLLS analysis
finds two closely spaced modes at f6 = 6632.8 µHz with an amplitude of 0.65 mma and
f8 = 6631.9 µHz with an amplitude of 0.5 mma. After those two sinusoids have been removed
from the lightcurve, the residual spectrum stays clean, as it is shown on the middle panel of
Fig. 2.8. The frequency difference between those two modes is of the order of our resolution,
0.9 µHz. The next highest peak is at f9 = 6452.9 µHz with an amplitude just above our
threshold (0.4 mma). Removal of this frequency reveals no more power above the noise
(the bottom panel on Fig. 2.8). The only power left in this region is at 6674 µHz, but at
an amplitude that is below our adopted threshold, albeit above the 3σnoise level. We cannot
confirm this frequency is real, we do however indicate this frequency in our “almost” list
(Table 2.3).

At the low frequency end, there is power with a rather low amplitude, at about 5923 µHz. Just
by comparing with the spectral window (Fig. 2.3) it is clear that we are most probably dealing
with two or more closely spaced frequencies. NLLS finds a mode with an amplitude of 0.5
mma at f7 = 5923.4 µHz. Fig. 2.9 shows this region, giving the temporal spectrum before
(top) and after this mode is removed by prewhitening (bottom panel). There is still excess
power left after its removal, with a frequency of 5921.3 µHz. NLLS is unable to converge
on a simultaneous fit to these two modes along with the nine found previously. This second
frequency is included into the list of possible true periodicities (Table 2.3).

The only power left above the threshold is just below 6200 µHz. The attempt to find the
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Figure 2.5 — Top panel: the spectral window centered at 7000 µHz given on the same frequency scale
as the data. Second panel: the FT of the entire WET data set on PG 0014+067 expanded around the
region of the highest power. Third panel: the residual FT prewhitened by f1 and f2 at frequencies
indicated. Bottom panel: prewhitened FT by the first four frequencies from the Table 2.2. Note the
different amplitude scale.

NLLS fit to the data including this mode was successful despite its low amplitude, and we
have therefore removed this peak with a frequency of f10=6193.5 µHz and an amplitude of
0.4 mma from the total lightcurve. Prewhitening successfully removes all the excess power
with only the noise left in that region. Fig. 2.10 shows the FT of the residuals. The top panel
shows the starting spectrum, in this case the residual FT prewhitened by the nine frequencies
found, and the bottom is the FT after we have removed the ten frequencies.

To summarize, performing Fourier analysis and NLLS fitting on the entire WET data set
obtained during Xcov24, we have detected a total of ten frequencies in the power spectrum
of PG 0014+067 with a 99% significance level and with a resolution of 0.9 µHz. The final
results of a simultaneous multiple sine-wave fit to the total light curve are summarized in
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Figure 2.6 — Top panel: phase (Tmax, in seconds) as a function of time for the two principal oscillations
in PG 0014+067. Open circles are for f2 and solid circles are for f1. Bottom panels: amplitude (in mma)
for f1 and f2 over the course of the WET run.

Table 2.2, listing the frequencies, amplitudes and phases of the main modes detected in the
WET data set. The column labeled as Mode gives the symbol of each frequency as fn where n
is ordered by relative amplitude. The column labeled as Tmax is the time of the first maximum
after August 21 2004 0h UT, given in seconds. The uncertainties for the values given in the
table are formal least-square estimates of the 1σ errors.

Fig. 2.11 shows the FT of the combined WET data set on PG 0014+067 before (top) and after
the removal (bottom) of ten periodicities listed in Table 2.2. We note that in the region where
most peaks appear, the 3.7σnoise level corresponds to about 0.44 mma. There are thirteen
low amplitude peaks below our adopted threshold (3.7σnoise) albeit above the somewhat less
conservative acceptance criterion at 3σnoise. One of these, at 13,540 µHz, lies outside of the
range displayed in Fig. 2.11. These peaks are at best marginal detections. In Table 2.3 we list



30 Chapter 2. The Whole Earth Telescope observations of EK Piscium

0

0.2

0.4

0.6
f1,f3,f4

7000 7200 7400

0

0.2

0.4

0.6 f1,f3,f4 f5

Figure 2.7 — Top panel: the FT of the entire data set, pre-whitened by f1 to f4, expanded around f5.
Bottom panel: the residual FT after prewhitening with f5 = 7289.0 µHz.

the frequencies, corresponding periods and amplitudes of those thirteen marginally detected
modes should they be detected in other data sets.

2.3.2 Comparing with previous data on PG 0014+067

In partial support of the run, six nights of observation of PG 0014+067 took place two months
prior to Xcov24 (August 2004) using the high-speed multi-channel photometer 

(Dhillon & Marsh 2001) on the 4.2m William Herschel Telescope (WHT) at La Palma (Jef-
fery et al. 2005). We compare our results with published results on PG 0014+067 from
Brassard et al. (2001) and Jeffery et al. (2005). Table 2.4 lists the periodicities identified by
Jeffery et al. (2005) and Brassard et al. (2001) together with the WET results.

Note that all frequencies identified by the WET (Table 2.2) were identified by either Jeffery
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Figure 2.8 — Top panel: the residual FT after the first five modes have been removed from the data,
in the range from 6380 to 6880 µHz. Middle panel: the temporal spectrum after f6 = 6632.8 µHz and
f8 = 6631.9 µHz have also been removed. Bottom panel: the FT with additional prewhitening by the
f9 = 6452.9 µHz.

et al. (2005) or by Brassard et al. (2001) or by both to within the cycle per day aliases. The
highest amplitude frequency in the WET data is at 7088.67 µHz and it is seen as a multiplet
of three closely spaced frequencies (along with 7091.0 µHz and 7091.7 µHz). The 

data set identified 4 closely spaced frequencies in this range (see Table 2.4) out of which the
highest amplitude one in their data set is at 7091.7 µHz. This multiplet is not identified in the
CFHT data probably due to the resolution of their run, only one frequency of this multiplet is
found at 7088.7 µHz. The amplitude and phase of the highest amplitude mode (7088.67 µHz)
in the WET data set as well as the highest amplitude mode (7091.7 µHz) in the  data
set were noticed to vary on the same time scale of five days.

The amplitudes of the individual modes in sdBV stars are known to change on the time-scale
of years, months and even days (Kilkenny et al. 1999), although the question whether this
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Figure 2.9 — The residual FT of the entire data set at the low frequency end of the main power (top)
after f1 through f6, f8, and f9 are removed. Removal of f7 results in the FT shown in the bottom frame.

results from true physical change in the star or beating between closely spaced frequencies
still remains unanswered. In this particular case both the WET and  data sets find
the amplitude and phase variability on the same time scale and identify closely spaced fre-
quencies, a multiplet around 7090 µHz. This gives additional credibility to the hypothesis
that this relative amplitude change is caused by beating, though longer runs would be needed
to confirm this speculation.

2.4 Discussion

The frequencies we saw in PG 0014+067 during the October 2004 WET campaign showed
no obvious patterns that could readily be attributed to rotational splitting or other common



2.4. Discussion 33

0

0.2

0.4

0.6

6000 6100 6200 6300 6400

0

0.2

0.4

0.6
f10

Figure 2.10 — FT near f10 prewhitened by the nine frequencies, f1 to f9 (top) followed by residual FT
after removing the tenth frequency f10 (bottom).

effects in nonradially pulsating stars. However, some unusual systematics among the fre-
quencies became readily apparent. In this section we discuss those systematics, and explore
the statistical significance of such patterns by including additional secure frequencies seen by
Jeffery et al. (2005).

2.4.1 Strange systematics in the observed frequencies

The frequency list of PG 0014+067 displays some suggestive systematics. As an exercise
in numerology, but one that will eventually provide some statistically significant results, we
examined these systematics further.

Considering only the dominant modes in each closely–spaced multiplet, there are 7 main
frequencies in the WET data on PG 0014+067, represented by f1, f2, f5, f6, f7, f9, and f10.
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Table 2.2 — Periodicities found in WET data on PG 0014+067.
Mode Frequency Period Amplitude T 1

max
[µHz] [s] [mma] [s]

f7 5923.4 ±0.1 168.821 ±0.003 0.54 ±0.13 20 ±16
f10 6193.5 ±0.2 161.458 ±0.005 0.44 ±0.13 125 ±20
f9 6452.9 ±0.2 154.968 ±0.005 0.45 ±0.13 150 ±18
f8 6631.9 ±0.2 150.786 ±0.005 0.49 ±0.15 90 ±20
f6 6632.8 ±0.1 150.766 ±0.003 0.65 ±0.15 143 ±15
f2 6826.06 ±0.03 146.4974 ±0.0006 2.38 ±0.13 28 ±3
f1 7088.67 ±0.03 141.0702 ±0.0006 2.98 ±0.13 8±3
f3 7091.0 ±0.1 141.023 ±0.002 1.22 ±0.33 133±11
f4 7091.7 ±0.1 141.011 ±0.002 1.10 ±0.32 55±11
f5 7289.0 ±0.1 137.193 ±0.002 0.65 ±0.13 107±11

1 time of first maximum after To= 21 August 2004, 0h U.

Table 2.3 — Marginal detections- peaks with an amplitude between 3.7σnoise and 3σnoise seen in WET
data on PG 0014+067.

Frequency Period Amplitude
[µHz] [s] [mma]
5921.3 168.882 0.40
6674.0 149.835 0.43
7278.9 137.383 0.40
7895.0 126.662 0.39
7938.3 125.971 0.45
8870.8 112.729 0.42
9576.6 104.421 0.41
9834.2 101.686 0.38
10807.8 92.526 0.36
11116.5 89.956 0.36
11364.8 87.991 0.36
12083.7 82.756 0.37
13539.8 73.856 0.38

Within this group, we find several pairs of frequencies separated by multiples of 90 µHz.
The first five rows in Table 2.5 list these differences. While not all entries in the table are
independent, it illustrates that some (large) frequency differences are very similar to one
another, and all share a common factor of 90.47 ± 0.53 µHz.

The frequency f5 does not pair with any other mode in a difference that is a factor of 90.47 µHz.
However, the average value of f5 and f1, 7188.8 µHz, is four times that interval from f2.
This somewhat suspicious additional entry in Table 2.5 is supported by the observation of
a frequency that lies within 1.3 µHz of that value by Jeffery et al. (2005) (the frequency of
7187.5 µHz in Table 2.4). Thus the three frequencies ( f5 = 7289.0 µHz, 7187.5 µHz, and
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Figure 2.11 — Total FT of the original WET data set on PG 0014+067 (top) followed by the residual
FT of the same data set, prewhitened by the ten frequencies listed in Table 2.2. Note that the red (lower)
solid line corresponds to 3σnoise, while the blue (upper) solid line corresponds to 3.7σnoise. The white
solid line is σnoise.

f1 = 7088.7 µHz) form a nearly equally-spaced triplet with a spacing of about 101.5 µHz. In
light of this, we explored the frequencies in Table 2.2 allowing for an ≈ 101 µHz deviation;
these are shown in the last four lines of Table 2.5. With this additional complication, addi-
tional evidence for a possible chain of frequencies separated by about 90 µHz appears. If we
adopt a value of 90.47 µHz for the first spacing, then the last four rows of Table 2.5 suggest
that the second spacing is 101.1±1.4 µHz.

We recognize that the spacings identified by this subjective technique alone may not be unique
or even meaningful. We note that there is no a priori expectation of a chain of equally spaced
(in frequency) modes for these stars, nor is there an expectation, based on the physics of
the star, for a splitting as large as 10 µHz. Neither 90 µHz nor 100 µHz spacings are seen in
theoretical models of these stars. The asymptotic frequency spacing for p−modes in these
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Table 2.4 — WET frequencies in PG 0014+067 (in µHz) compared with the  data, Jeffery et
al. (2005) and CFHT data, Brassard et al. (2001).

Mode WET  CFHT
5780.9a

5896.2
f7 5923.4 5921.9b 5923.2

5924.8
f10 6193.5 6227.7 = f10 + 3d−1

f9 6452.9 6454.4
f8 6631.9 6630.7
f6 6632.8 6632.6 6621.1 = f6 - 1d−1

6646.5
6659.9a

6726.8a

f2 6826.06 6826.1 6837.5 = f2+1d−1

7076.6a= f1-1d−1 7079.1= f3 - 1d −1

f1 7088.67 7089.1b 7088.7
f3 7091.0
f4 7091.7 7091.67c

7093.4
7094.8

7150.2
7187.5

f5 7289.0 7286.2
7670.3
7952.1
8552.1

8588.9a

9797.6
9971.5 9970.3

11547.9
(2 × f10) 12386.8
(2 × f9)d 12910.9a

a Seen in white light only.
b Multiplet.
c The highest amplitude seen in  data.
d Frequency f9 as seen in  data.

stars (that is, modes with n > l, consecutive n, and alternating l) is roughly 750 µHz. This
value was determined using the model frequencies from Brassard et al. (2001) along with our
own sdB models with appropriate values for log g and Teff .

Even so, could the 101 µHz splitting be a rotational splitting? While this large splitting could
be caused by rotation, the implied rotation rate (if solid-body rotation) although not ruled out,



2.4. Discussion 37

Table 2.5 — Frequency differences in the PG 0014+067 WET data

Frequency pair difference multiple
[µHz] [µHz]

f6 − f9 179.9 = 2 × 89.95
f10 − f7 270.1 = 3 × 90.03
f1 − f6 455.9 = 5 × 91.17
f2 − f10 632.6 = 7 × 90.37
f1 − f9 635.8 = 7 × 90.82

mean spacing = 90.47± 0.53
〈 f5, f1〉 − f2 362.8 = 4 × 90.69

f5 − f1 200.3 = 2 × 100.15

f1 − f2 262.6 = 4 × 90.47k − 99.29
f5 − f2 462.9 = 4 × 90.47k + 101.01
f9 − f10 259.4 = 4 × 90.47k − 102.49
f2 − f9 373.2 = 3 × 90.47k + 101.78

mean spacing = 101.1±1.4

k Fixed at mean value from lines 1-5.

would be faster than any known single sdBV detected so far, based on spectroscopic study of
line profiles. Spacings this large are seen only in close binary pulsating sdBV stars such as
PG 1336-018 (Kilkenny et al. 2003). On the other hand Kawaler & Hostler (2005) suggest
that rapid internal rotation could produce large splittings in a star with a slow surface rotation
rate, but their predictions suggest that the splittings of modes differing in n and l should not
show the same value.

2.4.2 An empirical, phenomenological relation

With two apparent splittings present, we decided to explore an entirely phenomenological
parameterization that could then be used to make an empirical fit to the observed frequencies,
and provide a framework for determining the statistical significance of these patterns. We
chose a form reminiscent of asymptotic p−mode pulsation with a constant rotation frequency

f (i, j) = fo + i × δ + j × ∆ , (2.1)

where δ represents a small spacing (and i is an integer ranging from 0 upwards) and ∆ rep-
resents a large spacing (with j initially limited to being either -1, 0, or 1). In the equation
above, fo represents a zero-point for the fit with i = j = 0.

In the general case of fitting an observed set of frequencies, we performed a two-dimensional
χ2 minimization over a grid of values of δ from 40 to 120 µHz and ∆ from 80 to 210 µHz.
For each (δ, ∆) pair, we found the combination of (i, j) that minimized the root-mean-square
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(RMS) difference between the observed and model frequencies, and computed the χ2 of the
fit. Clearly, there is an aliasing problem when the combinations of i, j, δ, and ∆ produce com-
mensurate spacings, so the χ2 surface shows multiple minima. To help break that degeneracy,
we impose an additional criterion that a (δ,∆) solution results in at least two modes that have
the same value of i but different j. The quantized nature of the problem (the values of i and
j are constrained to be integers) and the additional constraint on the values of j complicate
determination of statistical significance of any fits. Therefore to find the form of the distribu-
tion of χ2 for a random selection of frequencies, we performed a series of Monte Carlo trials
using frequency lists drawn from uniformly random distributions within the range shown by
PG 0014+067.

Using only the WET frequencies, we find two solutions of high significance; however, only
one satisfies the requirement of having two modes with the same value of i but different
values of j. That solution is the one found by the successive differencing procedure de-
scribed in the previous subsection. The fit values were δ = 90.37 µHz, ∆ = 101.46 µHz, and
fo=5922.46 µHz.

With only seven frequencies and more than three free parameters (the values of δ, ∆ and fo
are free, but the choices of i and j are constrained), the fit above is not well constrained.
Via the Monte Carlo technique with 7 frequencies, we find the fit to be significant at the 95%
confidence level; that is, in a trial of 285 frequency sets, only 13 had a lower value of χ2 and at
least two modes with the same value of i and different values of j. While this is encouraging
in terms of suspecting that the parameterization above may be meaningful, it is not, by itself,
very convincing.

Fortunately, we have additional frequencies in this star that have been reliably measured by
others that lie within the frequency range from the WET data alone. This list is given in
Table 2.6. By “reliable” we mean peaks seen in more than one investigation, and those that
are clearly true peaks and not aliases. Given the exceptional quality and clean window of
the  data, we give that data set higher relative weight, using the WET to resolve
residual ambiguities originating from diurnal aliases. Using these additional observations,
five additional frequencies in the range that the WET showed pulsations can be examined for
compliance with the relation derived using only the seven WET frequencies in Table 2.4.

Of the five additional frequencies in Table 2.6, four fit the pattern determined from the WET
frequencies alone using the same parameters. Again, we use Monte Carlo simulations of this
process to judge whether or not this is a significant effect. In this case we measure the RMS
deviation of five additional randomly chosen frequencies from the previously–established
relation from the WET data. The RMS deviation is calculated after dropping the worst-fitting
of the five. Comparing the distribution of the RMS deviations in the Monte Carlo trials with
that from the data in Table 2.6 reveals that the fit of the relation (Eq. 2.1) with the data is
significant at the 99.4% confidence level (based on 9829 trials) under these conditions.

In practice, we impose an additional requirement that the fit must include modes that have at
least two pairs with the same i but different j (i.e. that at least two values of i show more than
one j component). Enforcing this additional condition on the fit criteria restrict the aliasing
problem and result in a smaller number of possible solutions. This process also results in a
much higher statistical significance for the fit to PG 0014+067; the confidence level rises to
the 99.95% level. In the fit in Table 2.6, we see that there are three values of i that have more



2.4. Discussion 39

Table 2.6 — Pulsation frequencies in PG 0014+067, along with an empirical model fit.

Number Frequency Amplitude note i j Model Difference
[µHz] [mma] [µHz] [µHz]
5780.9 0.35  (w)

f7 5923.4 0.54 fine structure 0 0 5923.2 0.2
f10 6193.5 0.44 3 0 6194.1 -0.6
f9 6452.9 0.45 7 -1 6454.1 -1.2

f6 ( f8) 6632.8 0.65 fine structure 9 -1 6634.6 -1.8
6646.5 0.60  8 0 6645.6 0.9
6659.9 0.34  (w) 7 1 6656.5 -3.4
6726.8 0.37  (w) 10 -1 6724.9 1.9

f2 6826.1 2.38 10 0 6826.1 0.0
f1 ( f3, f4) 7088.7 2.98 fine structure 14 -1 7086.1 2.6

- 7187.5 0.66  14 0 7187.3 0.2
f5 7289.0 0.65 14 1 7288.5 0.5

than one j component, with one complete ‘triplet’ - a concordance that none of the 9829
Monte Carlo trials reached.

Finally, we can employ the fit procedure using all of the modes in Table 2.6 to determine more
accurate values of the parameters of Eq. 2.1. For PG 0014+067 this procedure yields values
of δ=90.37, ∆=101.22, and fo=5923.24 (all in µHz). Using these values in Eq. 2.1, we find
the model frequencies listed in Table 2.6. Note that the fit is extremely good - all but one of
the 12 modes identified in the table are fit to within 0.05%, with an RMS difference of 0.013 δ.
To illustrate the closeness of the fit, Fig. 2.12 shows the frequencies of PG 0014+067 in an
“echelle diagram” similar to those used in helioseismology. The vertical axis is frequency,
and the horizontal axis (also in frequency units) shows the departure of each mode from an
integral multiple of the small spacing δ. The repeating pattern of j = 0 modes stacks above
an ordinate of 0, while modes with nonzero values of j lie on either side at frequencies ∆

away.

Is this asymptotic pulsation? After all, high–order p-modes show a more-or-less constant
frequency spacing; such sequences are seen in helioseismic data and in the rapidly oscillating
Ap stars (i.e. Kurtz et al. (2005)). The sequence of modes split by integral multiples of δ
cannot be asymptotic p−mode behavior. As mentioned above, models of PG 0014+067, and
sdBV pulsators in general, indicate that the radial fundamental frequency in the models is
usually close (in frequency) to the observed mode frequencies. Asymptotic relations such as
Eq. 2.1 are usually valid (at the few-percent level) only for values of n � l, or more gen-
erally for large values of n. Even so, the computed frequency separation for p−modes in
sdBV models yields values of several hundred µHz - a factor of 5 or more larger than what
PG 0014+067 shows. In summary, the frequencies seen in PG 0014+067 obey a simple em-
pirical trend - one that cannot be understood in terms of standard evolutionary and pulsation
models for such stars. Simply put, there is no applicable physics in this purely empirical fit.
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Figure 2.12 — “Echelle” diagram of the frequencies in PG 0014+067; the frequencies have been folded
on the small spacing δ = 90.37 µHz and stacked, showing the uniformity of the frequency spacings
within the main band and the two side bands separated from the main band by the large spacing ∆ =

101.22 µHz. Expanded points are from the non-WET modes in Table 2.6.
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Abstract:

We present an unbiased orbit solution and mass determination of the components of the eclipsing
binary PG 1336−018 as a critical test for the formation scenarios of subdwarf B stars. We ob-
tained high-speed multicolour VLT/ULTRACAM photometric observations and high-resolution
time series VLT/UVES spectra of PG 1336−018, a rapidly pulsating subdwarf B star in a short
period eclipsing binary. Combining the radial velocity curve obtained from the VLT/UVES
spectra with the VLT/ULTRACAM multicolour lightcurves, we determined numerical orbital
solutions for this eclipsing binary. Due to the large number of free parameters and their strong
correlations, no unique solution could be found, only families of solutions. We present three
solutions of equal statistical significance, two of which are compatible with the primary hav-
ing gone through a core He-flash and a common-envelope phase described by the α-formalism.
These two models have an sdB primary of 0.466 M� and 0.389 M�, respectively. Finally, we
report the detection of the Rossiter-McLaughlin effect for PG 1336−018.
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3.1 Introduction

The subdwarf B (sdB) stars are generally acknowledged to be core helium burning stars
with a canonical mass of approximately 0.5 M�. Their thin, inert hydrogen envelope (Menv .
0.02 M�) places them on the hot extension of the Horizontal Branch (HB), the so-called Ex-
treme Horizontal Branch (EHB). Since the hydrogen envelope is too thin to sustain nuclear
burning, these stars will not go through the Asymptotic Giant Branch and Planetary Nebula
phases. Instead, when their core helium has run out, they will enter a He-shell burning phase,
where they expand and heat up, making them appear as sdO stars before they evolve directly
onto the white dwarf cooling sequence. Even though the models describing the future evo-
lution of the sdB stars are generally accepted (e.g. those of Dorman et al. 1993), the current
evolutionary state of the sdB stars is still poorly understood. The fact that sdB stars must
have lost almost all of their hydrogen layer at exactly the same time when the helium core
has attained the minimum mass required for the helium flash to occur, makes them enigmatic
from an evolutionary point of view. To lose such an amount of mass, they must suffer consid-
erable mass loss during the red giant branch (RGB) phase, and most probably also during the
helium core flash. The most fundamental missing piece to our understanding of the evolution
of the sdB stars, apart from the physics during the helium core flash, is the nature and physics
behind this mass loss (Fusi-Pecci & Renzini 1976b).

In recent years it has been discovered that a significant fraction of sdBs are in binaries.
Maxted et al. (2001) found that about two-thirds of the sdB stars in the field are members
of binaries. Napiwotzki et al. (2004) found a binary fraction of 40% among stars in the SPY
(Supernova type Ia Progenitor) survey sample, while Morales-Rueda et al. (2006) found 48%
in a sample from the Edinburgh-Cape (EC) survey. Many of the binary sdBs are found to
be in short period systems with periods from a few hours to several days, with companions
being either white dwarfs or M-dwarfs (Morales-Rueda et al. 2003a). The peculiar frequency
of binarity has been an important constraint on evolutionary population synthesis theory, and
has led to the acknowledgment that the binarity has to play a key role in the formation chan-
nels for sdB stars. There are several binary mechanisms proposed by (Han et al. 2002, 2003,
and references therein) as formation channels for sdB stars :

1. common envelope ejection, leading to short-period binaries with periods between 0.1 and
10 days and an sdB star with a very thin hydrogen envelope, and with a mass distribution
that peaks sharply at 0.46 M�. Depending on the secondary, a main–sequence star or a
white dwarf, the subchannels are called the first CE ejection channel and the second CE
ejection channel, respectively,

2. stable Roche lobe overflow, resulting in similar masses as in 1. but with a rather thick
hydrogen-rich envelope and longer orbital periods between 10 and 100 days,

3. double helium white dwarf mergers giving rise to single sdB stars with a wider distribution
of masses.

Detailed investigation of sdB binaries is crucial in order to determine their masses for com-
parison with the theoretically proposed evolutionary channels. New momentum in the efforts
to resolve the evolutionary paths of sdB stars came a decade ago, after the discovery that
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some of them pulsate (Kilkenny et al. 1997). This has opened up a new window into their
interiors via the techniques of asteroseismology and stimulated a burst of research. Extensive
search campaigns have revealed two classes of pulsating sdB stars known as short period sdB
variables (sdBV or V361 Hya stars, formerly EC 14026 stars, after the prototype) and long
period sdB variables known as PG 1716 stars (or lpsdBV stars, Green et al. 2003).

The sdBV stars, discovered by Kilkenny et al. (1997) and independently theoretically pre-
dicted by Charpinet et al. (1996), are low amplitude multimode pulsators with typical peri-
ods ranging between 100–250 s. Their pulsation amplitudes are generally of the order of a
few hundredths of a magnitude. The short periods, being of the order of and shorter than
the radial fundamental mode for these stars, suggest that the observed modes are low-order,
low-degree p-modes (Charpinet et al. 2000). The 39 known sdBV stars occupy a region in
the Teff – log g plane with effective temperatures between 28 000 K and 36 000 K and surface
gravities (log g) between 5.2 and 6.2.

The detailed asteroseismological modelling of sdBV stars is hampered by the fact that there
are too few pulsational frequencies to fit those predicted from non-rotating or rigidly ro-
tating models (Brassard et al. 2001; Charpinet et al. 2005b; Randall et al. 2005). However,
the observed frequency spectra are too dense to be accounted for by only low-degree (`≤ 2)
modes. In order to have a unique asteroseismological model we need to have accurate pul-
sation frequencies and an unambiguous identification of the modes of oscillation (spherical
wavenumbers ` and m). Thanks to multisite campaigns by the WET1 devoted to resolving the
frequency spectrum of sdBV stars in the last decade, we do have extensive and reliable fre-
quency lists for several sdBVs. The problem lies in the second requirement mentioned above,
the unambiguous mode identification. There are only two ways this can be achieved: through
line profile variations (Aerts & Eyer 2000) or the amplitude ratio method (Dupret et al. 2003;
Randall et al. 2005).

As sdBV stars are quite faint (the brightest one is mB=11.8) and their periods are very short,
the line profile variation method poses a real challenge considering the low S/N that ac-
companies any high-resolution time-resolved spectroscopy, even with the biggest telescopes
available. Hence, the line profile variation method has not yet been reliably applied to any
sdBV star. The amplitude ratio method is not problem free either. Due to the very low pulsa-
tional amplitudes, the photometric errors are usually too large for unambiguous identification
of the spherical degree ` of the modes, especially to distinguish between `= 0, 1 and 2 modes
(Jeffery et al. 2005).

Among the binary sdB stars, four eclipsing sdB systems have been discovered that all show
a deep and strong reflection effect, with very short orbital periods in the rather narrow range
of 130–170 minutes. Such short orbital periods imply that they must have evolved through
binary mass transfer and common envelope evolution. Out of these four systems, namely
HW Vir (Menzies & Marang 1986), NY Vir (Kilkenny et al. 1998) (hereafter PG 1336−018),
HS 0705+6700 (Drechsel et al. 2001) and HS 2231+2441 (Østensen et al. 2007), only one
system contains a rapidly pulsating sdB star as a primary: PG 1336−018. As such, this
system provides a natural laboratory for detailed evolutionary and asteroseismic analyses,
which is the purpose of our project.

1http://wet.physics.iastate.edu/
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Figure 3.1 — VLT/ULTRACAM r’ (upper), g’ (middle) and u’ (bottom) lightcurves of the eclipsing
sdBV star PG 1336−018 from 2005 May 18/19. The insets show enlarged sections of the two primary
eclipses, where pulsations are clearly visible. The differences between the two consecutive primary
eclipses, apart from the noise, are due to the beating of the modes and different phases covered during
the eclipse. The shape of the u’ lightcurve is discussed in the text. The ordinate is the differential
magnitude, and the abscissa is Fractional Julian Date.

PG 1336−018 was classified as an sdB star in the Palomar–Green survey (Green et al. 1986b)
and shown to be a close eclipsing binary with short-period multimode light variations by
Kilkenny et al. (1998). Assuming the primary mass to be the canonical sdB mass of 0.5 M�,
Kilkenny et al. (1998) find that the secondary must be a mid–M dwarf with a mass of about
0.15 M�. Soon after its discovery, PG 1336−018 was a target of two Whole Earth Tele-
scope (WET) campaigns, Xcov 17 in April 1999 (Kilkenny et al. 2003) and Xcov 21 in April
2001. These white light data resolved more than 20 frequencies in the temporal spectrum
(Kilkenny et al. 2003) in the range from 5000 to 8000 µHz. Even though the frequency con-
tent of the star is thus known very precisely, an adequate asteroseismic model is still lacking
mainly due to the lack of an unambiguous mode identification. The colour behaviour is
needed for photometric mode identification to identify the spherical degree ` of the modes
and to discriminate between the numerous possible seismic models. To further reduce the
allowable seismic model space we need to examine line profile variations due to the pulsa-
tions in order to disentangle the azimuthal wavenumber m. Only with the accurate pulsation
frequencies and an unambiguous mode identification can the asteroseismology provide the
accurate mass estimate needed for confrontation with those predicted from the formation
scenarios for sdB stars.

PG 1336−018, being the only rapidly pulsating sdB star in an eclipsing binary, is the only star
with enough potential to confront the proposed evolutionary scenarios, as the eclipses help
constrain the inclination and radii. Therefore we study PG 1336−018, this time armed with
new multicolour photometric and spectroscopic VLT data. In this Chapter we present the new
data and the orbital solution. This is the first step toward our ultimate goal, an accurate mass
determination of PG 1336−018 and a critical test of current stellar evolution theory.
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3.2 Observations and data reduction

3.2.1 Photometry

PG 1336−018 (α2000 = 13:38:48.2, δ2000 = –02:01:49.0, mV = 13.4) was observed on the night
of May 18/19 2005 using the ULTRACAM camera attached to the ESO VLT UT3 (Melipal)
at Paranal Observatory, Chile. ULTRACAM is a high-speed three-channel CCD camera
specifically designed for fast photometry programmes (Dhillon & Marsh 2001). We gathered
two full orbital cycles, about 5 h, of PG 1336−018 simultaneously in three filters r’, g’ and
u’ of the SDSS system (Fukugita et al. 1996). The seeing (around 0.9 arcsec) was variable
during the night and getting worse toward the end of the run. The exposure time was 0.5 s
in the beginning of the run, but due to poorer seeing was increased to 1 s to improve the
S/N. This did not deteriorate our temporal resolution significantly, since the shortest period
found in PG 1336−018 is 97 s (Kilkenny et al. 2003). To achieve 1 second time resolution, it
was necessary to define 2 windows on each of the 3 ULTRACAM chips. One window was
placed around PG1338-018, and another on a nearby comparison star. The dead–time of the
observation was 24 milliseconds.

All data frames were reduced using the ULTRACAM pipeline (Dhillon & Marsh 2001). Care
was taken to select the most optimal choices offered in the reduction software. The ‘normal’
extraction method with the ‘variable’ aperture sizes, as they track local changes in the seeing
disk, gave the best results. Several apertures were tried out and an aperture of 1.7 times
the FWHM gave the highest S/N for r’ and g’ band. The star counts were divided by the
comparison star counts and converted to obtain a differential magnitude (V–C) in each filter.
As both the target and the comparison star were in the same field, differential photometry
accounted well for the variations in the sky transparency and extinction in r’ and g’ band.
Unfortunately, the only comparison star within ULTRACAM’s 2.6 arcminute field of view
on the VLT is very faint in the blue, resulting in poorer differential photometry in the u’
compared to the r’ and g’ band. Therefore, a wider aperture had to be used for the u’ band.
Due to the faintness of the comparison star in u’, its g’ band lightcurve was used to make the
differential u’ lightcurve. This gave a satisfactory result in the sense that both the pulsations
and the eclipses were recovered, but it introduced an unreliable slope in the first part of the
u’ lightcurve (see Fig. 3.1). Therefore, we did not rely on the u’ lightcurve for the orbital
analysis. However, we did use the second part of the u’ lightcurve to cross–check our results,
as well as for the frequency analysis (see Sect. 3.4.2).

The times in the data frames were converted to JD and barycentrically corrected. Differential
(V–C) lightcurves for r’, g’ and u’ were constructed from a set of more than 80 000 science
frames. The r’ , g’ and u’ lightcurves are plotted in Fig. 3.1, where we can see a clear sign
of the pulsations of the primary component in all the phases of the binary orbit, even during
the primary eclipse. A strong reflection-like effect (0.2 magnitudes in g’ and 0.25 magnitudes
in r’) is evident. This effect, characteristic of all binary systems containing an sdB star and
a cool M–dwarf companion in a rotationally locked orbit, is due to the high contrast in the
temperatures between the heated and unheated hemispheres of the M–dwarf.



46 Chapter 3. The binary properties of NY Virginis

0.50

0.60

0.70

0.80

0.90

1.00

1.10

N
or

m
al

is
ed

 f
lu

x

0.50

0.60

0.70

0.80

0.90

1.00

1.10

3800 4000 4200 4400 4600 4800

R
el

at
iv

e 
in

te
ns

ity

Wavelength

HβHγHδHε

H8

H9

H10

He I
He I

Figure 3.2 — A typical single VLT/UVES spectrum of PG 1336−018 from our VLT run on 2005 April
28 (top) and the coadded spectrum (bottom), produced by combining all the 399 available spectra after
shifting according to the orbital radial velocity solution. The Balmer lines are indicated together with
the helium lines used for the determination of physical parameters. Discontinuities due to imperfect
merging of spectral orders only become evident in the high–S/N combined spectrum.

3.2.2 Spectroscopy

Even though PG 1336−018 was a target of several photometric campaigns, its faintness rela-
tive to the rapid oscillations has prevented any reasonably good time-resolved spectroscopy.
The short pulsation periods require very short integration times. There were two attempt
so far with the aim of detecting the pulsational radial velocities (Woolf et al. 2003) and
identification of the pulsation modes from the wavelength dependency of the amplitudes
(Dreizler et al. 2000), both with a null result.

A time-series of 399 high resolution spectra were taken over a period of ∼ 9 h, covering
about 3.7 full orbits, on the night of April 28, 2005 using the Ultraviolet Visual Échelle
Spectrograph (UVES) on the VLT UT2 (Kueyen) at the Paranal Observatory, Chile. Only
the blue arm was used, with wavelength coverage from 3900 to 5000 Å, and the slit width of
1 arcsec at a resolution of about 46 000. Each spectrum was integrated for 45 s which, with
the ultra fast read-out of about 23 s we used, gave a time resolution of 68 s. Dome flat-fields
and bias calibration frames were taken at the beginning and at the end of the night, and ThAr
exposures were taken before and after the run.
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Figure 3.3 — A sample fitting of two Gaussians to the observed Hγ line (the same spectrum as the one
shown in Fig. 3.2) using molly.

Due to the very low signal we got for such a short exposure and the ultra fast read-out mode
used, the UVES reduction pipeline did not give satisfactory results. Therefore, we developed
a non-standard reduction method, using the ESO-MIDAS package. This provided a factor
of ∼ 2 increase in the S/N ratio of the reduced spectra, compared to those produced by the
pipeline. The bias calibration frames had an offset between the upper and the lower part,
due to the ultra fast read-out mode used. After careful examination of each bias frame, we
proceeded as follows. First we examined the interorder space of each science frame (by
taking the median of the box) to determine these offsets which were then subtracted from
the science frames. Then the science frame was corrected for cosmic rays, extracted and
background corrected (which was smoothed to reduce the noise). Since, in our case, the sky
background contributes most to the noise, we used optimal extraction which gave better S/N,
as suggested by Mukai (1990). Then the science frames were flat-field corrected, wavelength
calibrated and, finally, the orders were merged. Since the spectra were oversampled we have
rebinned them in an optimal way such that the S/N increased without compromising the
resolution. Finally, the science frames were normalized.

A typical individual spectrum of PG 1336−018 is shown in the top panel of Fig. 3.2. The bot-
tom panel of Fig. 3.2 shows the coadded orbit-corrected spectrum (see Sect. 3.4.1). Despite
our extensive effort to achieve the optimal reduction scheme, the extraction and merging of
the orders is not perfect. This is due to the fact that the Échelle order discontinuities do not
behave ‘consistently’ under a low signal. This leads to some jumps and wiggles seen in the
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continuum of the coadded spectrum and particularly in the red wing of Hγ. For this reason
we did not make use of this line in the merged spectrum for the spectroscopic parameter
determination discussed below.

In the blue wavelength range covered by our data no sign of any spectral feature from the
cool companion can be seen, confirming the results of Woolf et al. (2003). Due to the large
difference in effective temperatures (about a factor of 10, see Sect. 3.4) the hot sdBV star
dominates the spectrum even in the primary eclipse.

3.3 RV determination

Our spectra allow us to produce a radial velocity (RV) curve, with an excellent phase cover-
age, from which we can independently determine the orbital period (P) and semi-amplitude
(K1) of this eclipsing binary. As we are dealing with a low S/N, we determined RVs from the
spectra trying out several different methods. The best results were obtained by using molly-
a software package, which fits two Gaussian profiles to the Balmer line profiles 2. This al-
lows good treatment of both the broad wings and the sharper core at the same time. This gave
better results than any of the other methods we have tried.

We have measured the RVs of the highest S/N lines in the spectrum, namely Hε , Hδ, Hγ and
Hβ, using this package. A sample fit is shown in Fig. 3.3 for an individual spectrum. The
FWHM of the two Gaussian fits, as well as their heights, were treated as a free parameter
at first, but were kept fixed once the best fit values were found. We checked carefully if the
RV from the Hγ line deviated from the one of the other Balmer lines, due to the discontinuity
in its red wing. This turned out not to be the case (see also Fig. 3.3) so we kept the Hγ RV
values in our analysis.

Finally, the average of each RV measurement, using Hε , Hδ, Hγ and Hβ lines, was determined.
These radial velocity values for each of the 399 individual spectra (with the errors), are shown
in Fig. 3.4 together with the best fit orbital solution (see Sect. 3.4).

To perform an independent determination of the orbit from our spectroscopic data, and to
verify the photometric ephemeris, the measured RVs (after barycentric correction of the
velocities and the mid-exposure times) were subjected to a periodogram analysis. A sinu-
soidal fit using Period04 (Lenz & Breger 2004) gives the frequency 114.25± 0.1 µHz and
the semi–amplitude 78.6± 0.6 km/s which is, considering our poor frequency resolution of
about 30 µHz, in a good agreement with the orbital period P= 0.101015999 d calculated by
Kilkenny et al. (2000) as well as with the values derived from PHOEBE in Section 3.4. The
semi–amplitude of the velocity variation is in good agreement with the 78± 3 km/s estimated
by Kilkenny et al. (1998) (see their Table 4) even though they reported the semi–amplitudes
of all of their observations (see their Table 3) to range from 47± 4 to 79± 4 km/s. The semi–
amplitude we obtained is somewhat larger than estimated by Woolf et al. (2003), 64± 1 km/s,
but their data cover only 1.4 orbits and contain a gap which probably resulted in an underes-
timated value.

As our data set suffers from a baseline too short for reliable ephemeris determination, we

2http://deneb.astro.warwick.ac.uk/phsaap/software/molly/html/INDEX.html
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Figure 3.4 — The radial velocity measurements (average of the Hε , Hδ, Hγ and Hβ lines) of all the
individual VLT/UVES spectra. The best fit orbit solution from PHOEBE is also shown.

adopted the ephemeris obtained by Kilkenny et al. (2000) (see Table 3.1).

Since the system is single-lined and the orbit is assumed to be circular, the analysis of the
RV curve is straightforward. The mass function calculated from the semi-amplitude and the
period gives:

f (M) = 0.0051 ± 0.0001 M� .

3.4 Orbital parameters

In order to investigate the pulsational properties of PG 1336−018, the subject of a follow-up
paper, the orbital variations due to the binarity must be removed from the observed lightcurve.
However, in order to find the best orbital solution for this eclipsing binary system, the pulsa-
tions of the sdB primary must be removed as well. This is a non-trivial coupled problem. The
determination of the orbital parameters of this system is required to understand and evaluate
the temporal spectrum of the primary sdB pulsator. In order to achieve this, we followed
an iterative procedure, using all the information about the target we have. Once we find a
reliable orbital solution, we subtract it from the lightcurves. Then we use the orbit subtracted
lightcurves to extract the pulsation frequencies present in our data. We prewhiten the original
observed lightcurves with these frequencies. The prewhitened lightcurves are then used as
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Figure 3.5 — Our spectroscopic model fit to the mean spectrum in Fig. 3.2. The best fit model spectrum
has been plotted on top of the observed spectrum as a smooth curve. Note that the Hγ line was kept out
of the fit due to its proximity to the discontinuity caused by the dual amplifier readout mode.

input to find the second iteration orbital solution.

3.4.1 Fundamental parameters

Our high resolution VLT/UVES spectra allow us to improve the spectroscopic parameters
determined by Kilkenny et al. (1998). Using our RV solution (see Fig. 3.4), we shifted the
spectra and added them together to improve the S/N. The coadded orbit-subtracted spectrum
is shown in the bottom panel of Fig. 3.2.

For the model fitting procedure, we used the LTE models of Heber et al. (2000). The model
spectra were convolved with a Gaussian instrumental profile of 0.25 Å and rotationally broad-
ened (assuming tidally locked rotation) with a v sin i of 74.2 km/s. This produces a model
spectrum with line cores that reproduce the observed spectrum excellently for all lines that
are unaffected by échelle order discontinuities. Unfortunately, while the fit to the cores is
good, the wings are not well fitted. Our best simultaneous fit for effective temperature, grav-
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ity and helium abundance yields:

Teff = 31300 ± 250 K
log g = 5.60 ± 0.05 dex
log y = −2.93 ± 0.05 dex

The quoted errors are about five times larger than the formal fitting errors reported in Fig. 3.5.
Although such 5σ errors would normally be quite conservative considering the resolution
and signal of the combined spectrum, there are obvious problems. The effects of errors
due to the échelle extraction problems described earlier are hard to quantify. The effective
temperature is well constrained by the depth of the high order Balmer lines, and the helium
abundance is determined by the depth of the narrow He I lines (marked in Figs. 3.2 and 3.5),
which are not much affected by the échelle extraction problems. However, since the échelle
order discontinuities strongly affect the wings of the lines, which are essential for the gravity
determination, we cannot exclude a large error on log g. For this reason, we will only use the
effective temperature determination as a constraint for our orbital fitting procedure, and not
log g. Indeed, as we will see later, such a low log g is inconsistent with any realistic mass–
radius relationship that can be derived from the orbit by at least 0.15 dex. In order to rule out
other causes for the inconsistent log g determination from the average spectrum, we tried to
fit it using NLTE atmosphere models, enhanced metallicity models, or changing the assumed
rotational velocity broadening. All these attempts produced negligible changes to the derived
parameters listed above.

3.4.2 Binarity and pulsation

Numerical orbit solutions were investigated using the PHOEBE package (Prša & Zwitter 2005),
which incorporates aspects of the Wilson–Devinney (WD) code (Wilson & Devinney 1971).
The WD approach uses differential correction (DC) as the minimization method, which is
in essence a linearised least squares method. The code was used in the mode for detached
binaries with no constraints on the stellar potentials. No third light or spots were included.

The VLT/ULTRACAM g’ and r’ lightcurves and the RV measurements obtained from the
VLT/UVES spectra were solved simultaneously to yield a consistent model fit. As PHOEBE is
limited by the number of points (currently the limit is 9000 points) we had to phase bin our
VLT/ULTRACAM lightcurves into 4000 data points per lightcurve.

The major problem in finding the orbital solution of any binary system is not only the fact
that there are many free parameters (12 + 5n, where n is the number of lightcurves in differ-
ent filters), but also that the parameters are correlated. Some of these correlations are severe,
especially between the mass ratio q and the potential of the secondary star Ω2 (see the discus-
sion below in Sect. 3.4.3). Hence, one is left with several formal families of solutions within
the parameter space. We must then confine the range of possible solutions by reducing the
number of free parameters. The only safe way to do this is by considering the boundary
conditions set by the data themselves and by sound theoretical considerations.

The parameters that were assumed and kept fixed in our analysis were t0, P, Teff of the pri-
mary, gravity darkening coefficients both for the primary g1 and the secondary g2, bolometric
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Figure 3.6 — The VLT/ULTRACAM g’ lightcurve together with the synthetic orbit solution. The mid-
dle panel shows the residuals of the orbit subtraction. Pulsations during the eclipses are now clearly vis-
ible, and we can see that the amplitude is smaller during the primary eclipse than during the secondary
as only the part of the surface is visible. The bottom panel shows the residuals after prewhitening with
the four strongest oscillation modes.

Table 3.1 — Fixed parameters in the search for the orbital solution of PG 1336−018.
Parameter Value
t0 2450223.36134 da

P 0.101015999 da

Teff1 31300 K
Teff2 3000 Kb

g1 1.0
g2 0.32
A1 1.0
x1 (g’) 0.217
x1 (r’) 0.178

a Ephemeris taken from Kilkenny et al. (2000).
b Teff2 was kept fixed as it is poorly constrained by the data, see the text for details.

albedo of the primary A1 and the limb darkening coefficients of the primary in the two filters
x1 (g’, r’). For the gravity darkening coefficients we adopted values of 1.0 for the primary
(radiative envelope) and 0.32 for the secondary (convective envelope). We assumed a circular
orbit (e = 0) and synchronized rotation with the orbit.
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Figure 3.7 — Same as Fig. 3.6 but for the r’ band. The trends seen in the middle and bottom panel
result from imperfect removal of the reflection effect due to the changing temperature across the surface
of the secondary (see text for details).

The effective temperature of the primary Teff,1 was set to the value derived from our spectra
(see Sect. 3.4.1). The effective temperature previously estimated by Kilkenny et al. (1998,
Teff,1 = 33 000 ± 1 000) was used as well, but, as it did not influence the derived parame-
ters except for the luminosity of the stars, we fixed the temperature to the value derived by
our new data. The Teff,2 of the secondary has a very low contribution to the total flux (see
Sect. 3.2) and, therefore, is not tightly constrained. An appropriate treatment of the effec-
tive temperature of the secondary in the case where the hot sdB primary is heating the cool
secondary is not trivial, as the temperature on the illuminated hemisphere can be as much as
five times higher than on the non-illuminated one (Zola 2000). Whilst we did not intend to
fix the effective temperature of the secondary star at first, we have found that leaving it as an
adjustable parameter does not give consistent results. With Teff,2 as a free parameter, it con-
verges to around 4000 K for the g’ lightcurve, but to only 2700 K for the r’-band lightcurve.
As a reasonable compromise for Teff,2, we choose to fix it to 3000 K. Considering the fact that
the contribution of the secondary to the total flux is negligible, this is not an obstacle.

As there are no published limb darkening coefficients for sdB stars we calculated the limb
darkening coefficients x1 (g’, r’ and u’) for a ‘typical’ sdB star from a fully line–blanketed
LTE model atmosphere (Behara & Jeffery 2006) with Teff = 30 000 K, log g = 5.5, Vturb =

5 km/s and solar abundances (a linear cosine law was used). The mean limb darkening coeffi-
cients in each filter were computed by convolving the ULTRACAM efficiencies in each filter
with the monochromatic limb darkening coefficients and the stellar fluxes. We also computed
the orbital solution using an extrapolation of previously reported coefficients from the tables
of Wade & Rucinski (1985) and Al-Naimiy (1978), as well as the values fixed at 0.25 (V) and
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Table 3.2 — The list of frequencies, periods, amplitudes and phases we detected and prewhitened our
data with. The phase is given as the time of maximum amplitude since t0.

Frequency Period Amplitude Phase (Tmax)
[µHz] [s] [mma] [s]

g’ r’ u’ g’ r’ u’
5430.1 184.16 11.2(1) 10.5(1) 17.1(2) 142.3(3) 142.2(3) 141.4(4)
5579.9 179.21 3.8(1) 3.7(1) 3.5(2) 105.9(8) 105.8(8) 115(2)
5757.3 173.69 1.7(1) 1.7(1) 2.8(2) 148(2) 147(2) 155(2)
7076.7 141.31 2.0(1) 1.9(1) 3.0(2) 105(1) 106(1) 107(2)

0.20 (R) (Kilkenny et al. 1998). This did not change the solution, so we adopted the coeffi-
cients we computed from a modern atmosphere model. Table 3.1 summarises the values of
the fixed parameters. The surface gravity is not a free parameter obtained by PHOEBE, since
it is defined by the mass and radius.

Using the ephemeris given in Kilkenny et al. (2000) we find a phase shift of 0.00374±0.00006
d. This phase shift could in principle be due to timing errors in our data rather than to an
intrinsic change in the system. However, we carefully checked timings in our data sets and,
moreover, we have data from two different instruments which both show the same phase
shift. A timing error is therefore very unlikely to be the cause of the measured shift. A
change inherent to the system is thus the most probable reason. With only two minima
timings we cannot draw any further conclusion here, only emphasise the need for further
epoch observations. A similar period change on the order of 0.003 d over a period of 6 years
in the HW Vir system was documented by Kilkenny et al. (2000).

The strong pulsations in the lightcurves are obstructing the fine tuning of the orbit, as the
pulsations are seen as scatter by PHOEBE. Therefore, we take the first iteration solution and
subtract it from the lightcurves. Now, after the dominant parts of the periodicity, i.e. the
eclipses and the strong reflection effect, have been removed from the lightcurves we can
analyse them in order to take out the pulsations of the primary from the lightcurves.

A Fourier amplitude spectrum was calculated for each orbit subtracted lightcurve to deduce
the periodicities present in the data. The short timespan of our photometric data confines us
with a frequency resolution of 54 µHz. Since we are unable to resolve many of the closely
spaced frequencies in the spectrum published by Kilkenny et al. (2003), we cannot use their
peaks. We can only remove the periodicities we observe in our data in order to improve our
orbit solution, after verifying that the frequencies we detect are indeed in the range of known
PG 1336−018 frequencies.

After identifying the highest amplitude peak in the spectrum and cross-checking if this fre-
quency is present in the previous data sets within our frequency resolution, we remove this
peak from the data by subtracting a sine wave (with the frequency, amplitude and phase de-
termined by a non-linear least-squares fit -NLLS) from the original lightcurves. We calculate
the Fourier amplitude spectrum of the prewhitened residuals and repeat the procedure until no
new peaks could be securely identified. In this way we are able to remove four frequencies, as
listed in Table 3.2. The frequency spectrum of PG 1336−018 is complicated as there are many
frequencies in a narrow frequency range, which are unresolved in our data set. Therefore the
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Table 3.3 — System parameters of the three best model fits to RV data and lightcurves of PG 1336−018.
The formal 1σ error on the last digit of each parameter is given in parentheses.

Free parameter Model I Model II Model III
a [R�] 0.723(5) 0.764(5) 0.795(5)

q 0.282(2) 0.262(2) 0.250(2)
i [◦] 80.67(8) 80.67(8) 80.67(8)
Ω1 5.50(3) 5.48(3) 5.47(3)
Ω2 2.77(1) 2.68(1) 2.62(1)
A2 0.92(3) 0.92(3) 0.93(3)

x2 (g’) 0.38(8) 0.39(8) 0.38(8)
x2 (r’) 0.88(8) 0.89(8) 0.89(8)

Derived parameters:
M1 [M�] 0.389(5) 0.466(6) 0.530(7)
M2 [M�] 0.110(1) 0.122(1) 0.133(2)
R1 [R�] 0.14(1) 0.15(1) 0.15(1)
R2 [R�] 0.15(1) 0.16(1) 0.16(1)

log g1 [cm/s2] 5.74(5) 5.77(6) 5.79(7)
log g2 [cm/s2] 5.14(5) 5.14(5) 5.14(5)

Roche radii: [in units of orbital separation]
r1 (pole) 0.191 0.191 0.191

r1 (point) 0.193 0.193 0.193
r1 (side) 0.192 0.192 0.192

r1 (back) 0.193 0.193 0.193
r2 (pole) 0.198 0.197 0.197

r2 (point) 0.213 0.215 0.216
r2 (side) 0.201 0.201 0.201

r2 (back) 0.210 0.211 0.211
Errors on residuals:
σ(g’) [mag] 0.03055 0.03054 0.03057
σ(r’) [mag] 0.01325 0.01321 0.01321

σ(RV) [km/s] 8.39 8.39 8.39

NLLS would not converge on a simultaneous fit to more than four frequencies, even though
there is still significant power left in the Fourier spectrum. That is also the reason why the
amplitudes appear higher in our data set compared to the ones seen in Kilkenny et al. (2003)
as several frequencies are blended into one. The highest amplitude frequency in our data
set at 5430.1 µHz is most probably the result of seven unresolved closely spaced frequencies
f3, f4, f25, f10, f5, f7 and f22 from Table 4 of Kilkenny et al. (2003).

These prewhitened lightcurves were then phase binned and, together with the RV curve, fed
into PHOEBE to search for the improved orbit solution. Even though residual pulsations are
still clearly visible in the lightcurves, their amplitudes are now significantly smaller, which
allows us to obtain a more reliable (second iteration) orbit solution. A third iteration step turns
out to be unnecessary, as it does not improve the final outcome of the orbital parameters.
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Figure 3.8 — Mass ratio q versus sigma, for the range of the possible q values. Sigma is the sum of
the squares of the sigmas in the two considered filters (σ(g’) and σ(r’)).

As a quantitative measure of the goodness-of-fit we use the 1 σ deviation for each data set
(g’, r’ and RV) from the simultaneously calculated synthetic curves. The larger 1 σ deviation
in g’ is due to the higher amplitudes of the oscillations in this colour. While it is impossible
to see the depth of the local minima found by the DC method, and therefore search for the
global minimum of the parameter hyperspace, we tested the stability of the convergent so-
lutions found by parameter kicking (Prša & Zwitter 2005). Once convergence was reached,
we manually kicked the parameters and the minimization was restarted from the displaced
points. In this way we found three groups of solutions of equal goodness-of-fit. Table 3.3
gives the three best fit orbital solutions. It is not possible to decide which solution is the
correct one based on the numerical considerations as the synthetic curves are fitting the data
equally well for all three models. The errors given in the table are the formal errors of the
fit which are likely smaller than the true errors due to the above mentioned correlation be-
tween the parameters. The synthetic lightcurve fits to the observed data points are presented
in Fig. 3.4, Fig. 3.6 and Fig. 3.7 (solid line) together with their residuals. The synthetic g’
and r’ lightcurves and the RV curve are plotted for only one solution (Model II) since the
deviations between the three solutions cannot be resolved at the scale of the figure.
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Figure 3.9 — Mass–radius diagram for PG 1336−018 showing the regions permitted by the orbit solu-
tion (continuous line) and by the different surface gravities (dotted lines). The q values are also noted on
the orbit solution. The small changes from the 3σ error on K1 do not significantly shift the mass–radius
relationship of the orbital solution, but have a considerable impact on the value of q.

3.4.3 Discussion

The uniqueness of a given solution is jeopardized by the parameter correlations. In particular,
there is a strong correlation between the mass ratio q and the potential of the secondary star
Ω2. Therefore, there is a q degeneracy in all the orbital solutions. For a given range of
potentials defined by the Lagrangian point, a family of solutions with corresponding mass
ratios is found. The solutions found in Table 3.3 represent the local minima shown in Fig. 3.8.

The relative radii and the orbital inclination are tightly constrained by the depth and the
width of the eclipses, and the results in all three models are nearly identical. There is only
a slight distortion of the secondary: r2 (pole)/r2 (point) is 0.93, 0.92, 0.91 respectively for
each model. While the previous searches for the best orbital solutions (Kilkenny et al. 1998;
Drechsel et al. 2001, and references therein) tend to resort to non–physical albedos (greater
than 1 in some cases) and limb darkening coefficients of the secondary, we find that the
biggest problem is in the temperature of the secondary which is heated by the hot subdwarf.
The weakest point of all modelling procedures lies in an inadequate treatment of the tempera-
ture of the secondary star. The temperature distribution over the surface of the secondary has
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to be incorporated in the atmosphere models used by PHOEBE in order to get more realistic
solutions. This is far beyond the scope of our PhD Thesis.

The surface gravity derived from the orbital solutions, although in agreement with the value
previously estimated by Kilkenny et al. (1998, log g = 5.7 ± 0.1 dex) is higher than the spec-
troscopic gravity estimate. Therefore, we have explored the full range of mass–radius ranges
for the primary allowed by the orbital solution and the spectroscopic gravity (Fig. 3.9). The
parameters used to generate this orbital solution mass–radius relationship are only the P, i, K1
and the radius of the primary in terms of a, none of which are affected by the q degeneracy.
Thus, if we had a sufficiently accurate spectroscopic determination of log g, we could use the
relationships in Fig. 3.9 to determine one unique M1. Unfortunately, our spectroscopic log g
of 5.6 is clearly much lower than what can realistically be accepted since it gives a mass for
the primary that is far too low (M1 < 0.2 M�).

While we cannot discriminate between the three model fits on the basis of their σ values, the
evolutionary scenarios for sdB stars disqualify the Model III solution as the primary mass
would be too high for a core He–flash (Han et al. 2002). Models I and II however, are both
possible as they could have formed through a common envelope phase (Hu et al. 2007).

3.5 Detection of the Rossiter-McLaughlin effect

In Fig. 3.4, an apparent up-and-down (redshift-blueshift) shift occurs at phase zero in the RV
curve. This effect at the eclipse is known as the Rossiter-McLaughlin (RM) effect (Rossiter
1924; McLaughlin 1924). It is due to the selective blocking of the light of the rotating star
during an eclipse. When the secondary star covers the blueshifted (redshifted) half of the
stellar disk, the integrated light of the primary appears slightly redshifted (blueshifted). Be-
cause of this selective blocking of the stellar surface during the eclipse, a skewed line profile
is created. This change in line profile shape results in a shift in RV, which in turn results
in the redshift-blueshift distortion seen during the eclipse (see Fig. 3.4). The RM effect has
been seen in other eclipsing hot subdwarf binaries (e.g. AA Dor: Rauch & Werner 2003) and
can be used to investigate the rotational properties of the component stars. It was recently
used in extrasolar planetary transits (Queloz et al. 2000; Ohta et al. 2005; Giménez 2006a;
Gaudi & Winn 2007) to discriminate between different migration theories. The amplitude of
the effect mainly depends on the projected rotation velocity of the star, the ratio of stellar
radii, the orbital inclination, and the limb darkening.

To analyze this effect we have subtracted the orbital solution (solid curve in Fig. 3.4) from the
RV measurements. The orbit-subtracted RV residuals, phase binned in 50 bins, are plotted in
Fig. 3.10. The RM effect is clearly seen in these residuals. We used the analytical description
of this effect given in Giménez (2006a) to simulate the RM effect for this system. We have
assumed that the rotational axis of the primary star is co–aligned with the perpendicular to the
orbital plane. The result of this simulation is plotted as a solid line in Fig. 3.10. The equatorial
rotational velocity of the star was set to 75.2 km s−1 and the ratio of the stellar radii r2/r1,
the inclination of the orbit i and the radius of the primary relative to the size of the orbit r1
were taken from our orbital solution (see Table 3.3). The synthetic curve fits the observed
RM amplitude rather well. The uncertainties on the residual RV curve are too large to fine-
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Figure 3.10 — The orbit subtracted RV residuals (dots) with their corresponding errors clearly showing
the RM effect. The solid line is the simulation of the RM effect with the parameters given in the text.

tune the orbital parameters. We can only establish that the observed RM effect is compatible
with the orbital solutions given in Table 3.3 and represents an independent confirmation of
the light curve solution.

The apparent asymmetry seen in Fig. 3.10 is, however, not well explained. Such an asym-
metry is expected to occur if the projected orbital and rotational axes are not aligned. This
is highly unlikely for the narrow orbit of PG 1336−018. Nevertheless, we simulated the RM
effect allowing different angles of the rotation axes and the orbital axes. We indeed could
not achieve satisfactory results, because, when the zero offset was fitted well, the amplitudes
were highly asymmetrical and vice versa. The asymmetry is more likely caused by the pul-
sations seen during the primary eclipse, which also give rise to line profile shape variations.
The equations describing the RM effect assume that the components are spherical, i.e. they
do not take into account any deviation from spherical symmetry such as the one produced by
the pulsations.

3.6 Conclusions and Future work

In this work, we presented a thorough observational analysis of the orbital behavior of the
pulsating eclipsing binary PG 1336−018. Our goal was to avoid using a canonical mass of
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0.5 M� for the subdwarf in any interpretation of the luminosity variations of the star, as has
been done so far in the literature. Instead, we attempted an unbiased derivation of the system
and stellar parameters, in particular for the masses of the components. Our analysis resulted
in three equally probable sets of orbital and physical parameters of the system. Our model III
solution is incompatible with the binary having gone through a core He–flash and a common-
envelope phase described by the α-formalism since that can only lead to PG 1336−018 like
binaries with primary masses up to 0.48 M� (Hu et al. 2007). This leaves us with two solu-
tions, one with a primary mass of 0.466±0.006 M� and another with 0.389±0.005 M�, with
secondary masses of 0.122±0.001 M� and 0.110±0.001 M� respectively. We thus conclude
that our solutions with M1 = 0.466±0.006 M� and M1 = 0.389±0.005 M� are the only plau-
sible ones, except when the common-envelope phase would be better described by the γ-
formalism (Nelemans et al. 2000; Nelemans & Tout 2005). In this case all three solutions are
acceptable, as this formalism allows non-degenerate helium ignition with a broader primary
mass range (0.3-1.1 M�).

Furthermore, we have detected the RM effect in the radial velocity curve of PG 1336−018.
The simulated amplitude of the RM effect is in accordance with the RM amplitude seen in the
RV residuals, which is an independent confirmation of the results obtained from our orbital
solution.

While deriving the orbital solution for PG 1336−018, we hit upon the limitation of current
binary analysis codes, which also prevented us to pinpoint the effective temperature of the
secondary. None of the analysis methods available in the literature treat the atmosphere of
such a close binary, in which one component is so hot that it induces a temperature gradient
across the surface of the other, in an appropriate way. Indeed, all codes make use of stellar
atmosphere models which assume one fixed effective temperature at the surface of each of
the component stars. As such, any derived quantities, such as limb darkening coefficients
and albedos, cannot be but a very crude approximation of reality whenever one component is
seriously heated by the other one. In the case of close binaries like PG 1336−018, i.e. with
a hot primary and a cold secondary in a tidally locked orbit, the temperature of the latter
changes so drastically from the illuminated side to the backside, that specific atmosphere
models representing such a situation should be computed and used while deriving the orbital
parameters. This is an entire project by itself and surely beyond the scope of our PhD thesis
work. We hope that our results will give rise to future developments of atmosphere models
with temperatures varying across the surface of the cool component in close binaries. The
case of PG 1336−018, and our data of the star, are ideally suited to test such new future
models.

In Chapter 5 we analyse the oscillatory signal in our high-resolution spectroscopy, after the
orbit subtraction presented here. This will be done by computing a cross-correlation func-
tion of each spectrum and investigating the signature of the modes in it. Cross-correlation
functions have already been used to study the character of oscillations modes before, see e.g
Mathias & Aerts (1996) for the δScuti star 20 CVn and Hekker et al. (2006) for solar-like
oscillations in red giants. This is done by computing line diagnostics, such as moments,
and the amplitude and phase across the profile, and comparing these to predictions based
on the theory of non-radial oscillations. In principle, this allows us to identify the spher-
ical wavenumbers (`,m) of the strongest modes. The use of these established mode iden-
tification techniques (see e.g. Briquet & Aerts 2003; Zima 2006, for the latest versions) on
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high-resolution cross-correlation profiles of pulsating sdB stars has so far not yet been done.
The nature of our data and of our target star requires a simulation study to test the effects
of smearing out the oscillations over the cycle and of the limited time base. Also, we must
treat the data during and outside the eclipses separately in order to assess the effectiveness
of the techniques in the specific case of PG 1336−018. The ultimate goal is to identify the
highest-amplitude modes and discriminate among the plausible seismic models of the star.
This will then eventually lead us to derive a seismic mass estimate to be confronted with
the observed primary masses presented here and with the evolutionary masses computed by
(Hu et al. 2007). Before we tackle such line-profile analysis, we first report on a re-analysis
of spectroscopy of the star AA Dor, which we performed in light of its similarity with NY Vir
regarding the Rossiter-McLaughlin effect.
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Chapter 4
Irradiation of the secondary
component of AA Doradus

This chapter is based on the paper published as

Orbital Effects in VLT–UVES Spectra of AA Dor and NY Vir
M. Vučković, R. H. Østensen, S. Bloemen, I. Decoster and C. Aerts,

Astronomical Society of the Pacific Conference Series, 2008, 392, 199

Abstract: We analyse VLT/UVES spectra of two eclipsing subdwarf binary systems NY Vir,
a rapidly pulsating subdwarf B primary with an M5 companion and AA Dor, an sdOB primary
with a degenerate dwarf companion. We report the detection of the Rossiter-McLaughlin ef-
fect in the radial velocity curve of NY Vir, as previously seen in AA Dor. Reexamining the
AA Dor spectra and simulating the amplitude of the Rossiter-McLaughlin effect, we find it to
be in accordance with the amplitude seen in the radial velocity residuals. In addition to the
Rossiter-McLaughlin effect we observe clear radial velocity deviations in the Balmer lines at
phases where the contribution from the secondary is greatest in both AA Dor and NY Vir. After
careful subtraction of the contribution from the AA Dor primary we clearly detect both emission
and absorption features originating from the superheated surface of the secondary. This allows
us to estimate K2 and the masses of the primary and secondary star in the AA Dor system for the
first time.

4.1 Introduction

The two eclipsing subdwarf systems NY Vir and AA Dor are both post common envelope bi-
naries, with low-mass companions of very low luminosity. They both show strong reflection
effects – representative of binary systems comprising of a very hot primary, 31 300K (NY Vir)
and 42 000K (AA Dor) and a much cooler unseen dwarf secondary of 2 000 - 3 000K. The
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Figure 4.1 — The orbit subtracted RV residuals (dots) with their corresponding errors for Hδ, Hγ and
Hβ lines. The solid line around phase Φ ∼ 0 is the simulation of the RM effect with the parameters given
in Rauch (2000).

two close binary systems (a ∼ 0.8R� for NY Vir and a ∼ 1.2R� for AA Dor) are orbiting syn-
chronously and, due to this, one side of the secondary star (the one facing the hot primary) is
constantly being heated. The atmosphere of such an irradiated side of the secondary star is
very different from that of a normal dwarf. Studies of the model atmospheres for irradiated
stars in pre-CV systems (Barman et al. 2004) find large temperature inversions and synthetic
spectra show a number of emission lines. However, several attempts to detect spectral sig-
natures of the irradiated face of the secondary in AA Dor failed (Hilditch et al. 2003; Rauch
2004).

4.2 Exploring the RV residuals

While examining the orbit subtracted RV residuals in the UVES spectra of NY Vir in light
of simulating the detected Rossiter-McLaughlin effect (RM) (see Chapter 3) we have noticed
an apparent redshift-blueshift distortion just prior to the secondary minima. This puzzling
feature is arising right where the contribution of the secondary star is at its maximum and
therefore could be an artifact of reflected light or a fingerprint of the heated face of the sec-
ondary. Unfortunately, the S/N of the NY Vir spectra did not allow us to make any firm con-
clusions other than confirming the orbital solution as described in Chapter 3. To investigate
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Figure 4.2 — The same as Fig. 4.1 for HeII at 4685.79Å and three metal lines O III at 3759.87Å, Si IV
at 4088.86Å and Mg II at 4481.23Å.

this further we resort to the higher S/N UVES spectra of the only other eclipsing subdwarf
star where the RM effect has been reported, namely AA Dor (Rauch & Werner 2003). We
have retrived the AA Dor UVES spectra from the ESO archive and reduced them using the
UVES reduction pipeline. The radial velocities were determined in the same way as for the
NY Vir (see Chapter 3) except that we were able to use not only Balmer lines, as was the case
for NY Vir, but also some metal lines (O III, Si IV and Mg II) and He II.

We have simulated the amplitude of the RM effect in the radial velocity curve of AA Dor
using the analytical description of the RM effect given in Giménez (2006b). The simulated
RM amplitude is in accordance with the RM amplitude seen in the RV residuals. Figure 4.1
and Figure 4.2 show the orbit subtracted RV residuals of the highest S/N Balmer lines (left)
and of three metal lines + He (right) separately. While both RV residuals show the RM effect
at the phase Φ ∼ 0, with the simulated RM amplitude (solid line) fully compatible with the
observed RM amplitude with the orbital parameters given in Rauch (2000), only the Balmer
RV residuals show the apparent blueshift-redshift bump just before the phase Φ ∼ 0.5. This is
exactly what we had expected after having seen the distortion in the NY Vir spectra, but with
a higher significance level. The fact that this occurs only in Balmer lines (Figure 4.1) and not
in metal or He lines (Figure 4.2) clearly rejects the reflected light hypothesis.
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Figure 4.3 — Top: the residual spectrum in the rest frame of the secondary after the contribution of the
primary has been removed. The broad Hγ (left) and Hδ (right) emission with the narrow core absorption
are clearly seen. Bottom: trailed and phase-binned residual spectra in the rest frame of the primary for
the same wavelength interval.

4.3 Irradiated face of the secondary

To search for any traces of spectral lines coming from the heated face of the secondary, we
first subtract the contibution of the hot sdO primary. Therefore, we constructed the mean
primary spectrum by taking the spectra with minimal contamination from the secondary, i.e.
phases from 0.04 to 0.22 (about 36 spectra) when the heated hemisphere of the secondary
is pointing away from us. We subtracted this mean primary spectrum, corrected for K1 of
39 km/s (Rauch 2000) and finally the residual spectra were coadded in 30 phase-bins to
produce the trailed spectra shown in the bottom of Figures 4.3 to 4.6. As we have subtracted
the spectrum of the primary, the only lines left in the residual spectrum have to belong to the
secondary. The residual spectra show several very broad Balmer emission lines with a narrow
absorption in the line cores. This can be seen in the gray-scale trailed spectrum (bottom of
Figure 4.3). Summing the residual spectra in the reference frame of the secondary star gives
us the spectrum of the secondary star (top of Figures 4.3 to 4.6) where we can clearly see
the broad Balmer emission followed by the narrow core absorption. In addition to the broad
Balmer emission lines (Figure 4.3) we detect more than 20 narrow emission lines, mainly of
CII, CIII and OII (Figures 4.4 to 4.6). The strongest emission line detected is CII at 4267.40
Å shown in Figure 4.4 (right).
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Figure 4.4 — The same as in Figure 4.3 showing the oxygen doublet at 4414.91 Å and 4416.97 Å (left)
and the strongest emission line from the secondary star (right) CII at 4267.40 Å.

Shifting to the rest frame of the center of the irradiated light gives us an estimate of Kirr of
230 km/s, which puts a lower limit on K2. Having both K1 and a lower limit on K2 allows us
to calculate the lower limit masses for the AA Dor system by using Kepler’s laws. For K1 =

39 km/s and K2 = 230 km/s we get a typical EHB mass for the sdO primary M1 = 0.45M�
and the secondary that is just above the substellar limit (Baraffe et al. 1998), M2 = 0.076M�.

4.4 The rotational velocity

The orbital inclination and the relative radii of the AA Dor system are known from the orbital
solution (Hilditch et al. 2003). The rotational velocity of the primary in the AA Dor system,
however, is still a matter of debate. Rauch (2000) determined a rotational velocity Vrot = (34
± 10) km/s from spectroscopy. From the high-resolution UVES observations of AA Dor with
better cadence, Rauch & Werner (2003) derived Vrot = (47 ± 5) km/s from fitting theoretical
profiles to the He II 4686 Å line. A more recent determination of the rotational velocity of
AA Dor based on the far ultraviolet spectra from the FUSE satellite by Fleig et al. (2008), led
to Vrot = (35 ± 5) km/s. The most recent analysis by Rucinski (2009), of the same UVES data
set as used in Rauch & Werner (2003), finds rotational velocity of (31.8 ± 1.8) km/s from
modelling the line profile variations caused by the primary eclipse on Mg II 4481 Å line.

The rotational velocity can be independently determined from the RM effect. The amplitude
of the RM effect depends on the Vrot, the relative radii and the inclination of the system. The
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Figure 4.5 — The same as in Figure 4.3 showing oxygen lines from the secondary star at 4069.89 Å,
4072.16 Å and 4075.87 Å.
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Figure 4.6 — The same as in Figure 4.3 showing the richest emission part of the spectrum from the
secondary star with OII lines at 4638.85 Å, 4641.81 Å, 4649.14 Å, and 4650.84 Å as well as CIII lines
at 4647.40 Å and 4680.16 Å.
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Figure 4.7 — The orbit subtracted RV residuals (dots) with their corresponding errors for Hδ, Hγ and
Hβ lines, enlarged around phase Φ ∼ 0. The simulation of the RM effect with the parameters of Rauch
(2000) is plotted as a short dashed line, of Rauch & Werner (2003) as a long dash-dotted line. The solid
and dotted lines represent the RM amplitude for Vrot of 30 km/s and 40 km/s respectively, which are the
error bars of Vrot calculated by Fleig et al. (2008).

relative radii and the inclination of AA Dor are well known from the orbital solution and we
have fixed them to the values of Hilditch et al. (2003). We have simulated the RM amplitude
in the radial velocity curve of AA Dor using all the values of Vrot from the literature. The
results are plotted in Figure 4.7 for the Balmer Hδ, Hγ and β lines and in Figure 4.8 for He
II at 4685.79Å and three metal lines O III at 3759.87Å, Si IV at 4088.86Å and Mg II at
4481.23Å.

As the value of rotational velocity calculated by Rucinski (2009) fits within the error bars of
that determined by Fleig et al. (2008) we have plotted the simulation for the allowed values
of Fleig et al. (2008) , i. e. 30 km/s and 40 km/s. The errors on the RV residuals are too high
to let us fine tune the rotational velocity of AA Dor via the RM effect. From the simulation
of the RM effect on AA Dor (see Figures 4.7 and 4.8) we can only exclude the high value of
47 km/s of Rauch & Werner (2003).
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Figure 4.8 — As Fig. 4.7 but for HeII at 4685.79Å and three metal lines O III at 3759.87Å, Si IV at
4088.86Å and Mg II at 4481.23Å.

4.5 Conclusion

We have simulated the RM effect in the eclipsing binary systems NY Vir and AA Dor and
obtained an independent confirmation of the orbital parametes from the RM effect. We have
detected clear spectral signatures from the irradiated face of the secondary component in the
UVES spectra of AA Dor. More than 20 narrow emission lines, mainly C II and O II and broad
Balmer emission lines with core absorption have been detected. We have estimated a lower
limit on K2 of 230 km/s and the consequent masses of the AA Dor system are M1 = 0.45M�
and M2 = 0.076M�. Therefore, the primary must be a regular EHB star and the secondary a
regular low mass M dwarf, contrary to the result of Rauch & Werner (2003).
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Chapter 5
Line-profile variations of
NY Virginis

This chapter is accepted for publication and will appear in A&A as

Interpreting the line profile variations of subdwarf B pulsators:
the case of PG 1336−018 (NY Vir)

M. Vučković, R. H. Østensen, C. Aerts, J. H. Telting, U. Heber and R. Oreiro,
Astronomy and Astrophysics, 2009, in press http://dx.doi.org/10.1051/0004-6361/200912457

Abstract: We analyse the high-resolution time-resolved VLT/UVES spectra of PG 1336−018,
a rapidly pulsating subdwarf B primary in a close orbit with an M5 companion, with the aim to
detect the pulsational signal of the primary in line profile variations. After removing the dom-
inant radial-velocity component inherent to the orbital motion and taking only out-of-eclipse
data we computed cross-correlation functions for each individual spectrum and assumed these
to approximate the average line profile. We computed predictions of line profile variations for
pulsating subdwarf B stars and present their diagnostic value for mode identification. We detect
the pulsation mode at 5 435 µHz in the line profile variations of the cross-correlation functions
which allows us to characterize the detected pulsation mode of PG 1336−018. We model the pul-
sational perturbations of synthetic spectra for a star with physical parameters like PG 1336−018
and confront them with the observed spectra. We find that low order Balmer lines can be used
as diagnostic tool to identify pulsation modes. A detailed line profile analysis of the perturbed
time-series spectra excludes the `= |m|= (3,3), (1,0), (2,1) and (2,0) modes, but does not allow a
unique mode identification among the radial or sectoral dipole or quadrupole modes.
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5.1 Introduction

Subdwarf B (sdB) stars are core-helium burning stars (Heber et al. 1984) at the blue end of
the horizontal branch. While the future evolution of sdB stars is quite certain the exact prior
evolutionary paths remain to be fully resolved. For a recent and detailed review on hot sub-
dwarfs we refer to Heber (2009). The discovery that some sdB stars pulsate (Kilkenny et al.
1997) allows us to probe their inner structure via asteroseismology which can help us find
definite answers about their prior evolution. The first step in seismic modeling, after iden-
tifying the frequencies of pulsation, is to identify the pulsation modes. One of the ways to
identify the modes of pulsation is through the analysis of the line profile variations.

There have been several radial velocity (RV) studies using low-resolution spectroscopy of
rapidly pulsating subdwarf B stars (now termed V361 Hya stars, but also known as sdBV or
EC14026 stars (Kilkenny 2007)). The first time-resolved spectroscopy study on V361 Hya
stars was done by Jeffery & Pollacco (2000) on PB 8783 (EO Cet) and KPD 2109+4401
(V2203 Cyg), followed by extensive studies on PG 1605+072 (V338 Ser) by Woolf et al.
(2002); O’Toole (2002); Tillich et al. (2007), PG 1325+101 (QQ Vir) by Telting & Østensen
(2004), Balloon 090100001 by Telting & Østensen (2006); Østensen et al. (2008), and most
recently on PG 1219+534 (KY UMa) by Reed et al. (2009). These low resolution spec-
troscopy studies were mainly focused on measuring the radial velocity and equivalent width
variations, as well as characterization of the pulsational effective temperature and gravity
variations.

The field of subdwarf B star (sdB) asteroseismology is booming, thanks to the gathering of
a huge amount of data sets (both photometry and low-resolution spectroscopy) on a large
number of pulsating sdB stars (for an overview see Østensen 2009). The lack of time-series
of high-resolution sdB spectra, however, is apparent. Considering the requirements for the
successful interpretation of line profile variations: good temporal resolution, high signal-to-
noise ratio (S/N), and high resolving power (Aerts & Eyer 2000; Mantegazza 2000), this lack
of high-resolution time-resolved V361 Hya spectra is not surprising at all. The pulsational
characteristics of V361 Hya stars are indeed poorly suited for classical line profile variation
studies. The short pulsation periods of V361 Hya stars, of the order of a few minutes, require
short exposure times (below one minute) to avoid smearing the pulsational signal during
the cycle (Aerts et al. 2008). Moreover, the faintness of the V361 Hya stars precludes the
required S/N for any line profile variation study. Adding to this the fact that V361 Hya stars
are low amplitude multiperiodic pulsators (photometric amplitudes are of the order of a few
millimagnitudes) with rich and closely spaced frequency spectra, we can easily conclude
that, even for the biggest telescopes with sophisticated detectors, they pose a considerable
challenge.

The first high-resolution (R = 20 000) spectroscopic time-series on a V361 Hya star was as-
sembled for PG 1605+072 (mB = 12.8) with the FUSE satellite (Kuassivi et al. 2005) with
the aim of measuring the projected broadening of the photospheric lines. They derive the
line profile variation diagram by phase folding the spectra into the eight phase intervals of
the main pulsation period (P = 480 s) and co-adding the four strongest photospheric lines de-
tected (a N III doublet, and three SIV lines). From this they derive v sin i of 21± 9 km/s and
report that the observed phase opposition between the maximum radius and the maximum
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velocity is consistent with adiabatic pulsations.

In Vučković et al. (2007, hereafter Chapter 3), we presented the first ground based high-
resolution (R = 46 890) spectroscopic time-series on a V361 Hya star, using the Ultravio-
let and Visual Échelle Spectrograph (UVES) at Very Large Telescope (VLT). The aim of
that work was to determine the orbit solution and mass of the components of the eclipsing
binary PG 1336−018 (mB = 13.6) by combining high-speed multicolour VLT/ULTRACAM
lightcurves (about two full orbits) and the radial velocity curve obtained from high-resolution
time-series of about 400 VLT/UVES spectra. We found three solutions of equal statistical sig-
nificance due to the large parameter space and correlations between parameters, two of which
are consistent with standard binary evolution models (Hu et al. 2007). One of the favored so-
lutions of Chapter 3 with the mass of the sdB primary of 0.466 M� was recently found by
Charpinet et al. (2008) who arrive at the same mass by independent asteroseismic modelling
through frequency matching of the observed oscillation frequencies found by Kilkenny et al.
(2003).

The very first study of pulsation-mode identification based on high-resolution (R = 25 000)
spectroscopy data, aiming at identifying the dominant pulsation mode in the star, has been re-
ported only recently by Telting et al. (2008) for the high amplitude sdB pulsator (mB = 11.8)
Balloon 090100001. By phase folding the spectra onto the dominant mode (P = 356 s) and
combining the information of 56 narrow absorption metal lines in each spectrum, they cre-
ate cross-correlation functions (CCF) which are of sufficient S/N for a mode-identification
analysis. From the model fits to the pulsational line profile variations in the CCF they rule
out quadrupole modes (`= 2) and show that the radial pulsation (`= 0) and a dipole pulsation
(`= 1) are both consistent with the data, putting further constraints on the pulsation charac-
teristic of the main mode of Balloon 090100001. In particular, the amplitude of the dominant
mode was found to be 15 km/s.

In this Chapter we further exploit the VLT/UVES observations of PG 1336−018 described
in Chapter 3 with the aim to study the pulsational signal of the primary in line profile vari-
ations. This is the first application of a line profile variation study on a V361 Hya star with
low photometric amplitudes (<8 mmag), no dominant frequency and a dense and narrow fre-
quency spectrum (28 frequencies were found in a 5 000 µHz range, see Table 4 of Kilkenny
et al. 2003). All previous time-series spectroscopy studies, including the recent line profile
analysis by Telting et al. (2008), were done on V361 Hya outliers with exceptionally high
amplitudes (Woolf et al. 2002; O’Toole 2002; Telting & Østensen 2004, 2006; Tillich et al.
2007) and with much lower resolution.

5.2 Observational diagnostics

We presented in detail the data on PG 1336−018 in Chapter 3. The data reduction using
MIDAS routines was sufficient for the orbital analysis but did not give good enough results
for the line profile analysis (see Fig. 3.2 of Chapter 3 and text explaining the data quality).
Here the raw data have been completely re-reduced using IRAF1 tasks. The new mean orbit-

1IRAF is distributed by the National Optical Astronomy Observatories, operated by the Association of Universi-
ties for Research in Astronomy, Inc., under cooperative agreement with the National Science Foundation.
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Figure 5.1 — The mean spectrum of PG 1336−018 produced by combining all the VLT/UVES spectra
after shifting according to the orbital radial velocity solution from Chapter 3, together with the model
spectrum used as a template for cross-correlation. The features marked with ‘CCD’ result from the
defects of the CCD chip.

corrected spectrum as shown in Fig. 5.1 is an improvement on that of Chapter 3 (Fig. 3.2).
Nevertheless, the spike in the red wing of Hγ is still present, being an artifact caused by the
dual amplifier readout used in the ultrafast mode. The feature around 3 933 Å in the mean
spectrum is the interstellar Ca II line which is artificially broadened due to the shifting of the
individual spectra to correct for the orbital motion. The features marked with ‘CCD’ result
from the defects of the CCD chip and are also broadened due to the orbit correction. The
mean spectrum is completely dominated by the broad Balmer lines, with a few He I lines and
one He II line, as marked in Fig. 5.1. No metal lines are detected.

For the orbit correction, we use the orbital solution found in Chapter 3. To check for any
pulsation signature in the data, we calculated the radial velocities of the new orbit corrected
spectra in the same way as described in Chapter 3, i.e. using the molly software package. The
measured RVs were subjected to periodogram analysis with Period04 (Lenz & Breger 2004).
A peak in the periodogram was found at the frequency (5 434± 6) µHz with an amplitude of
(3.5± 0.6) km/s and a signal-to-noise ratio (S/N) of 3.3. Even though the S/N is quite low, the
frequency found is considered to be present in the data because it is the same one as found in
all other independent data sets ever taken on PG 1336−018 (Kilkenny et al. 1998; Reed et al.
2000; Kilkenny et al. 2003) including our  data set (Chapter 3). Encouraged by
detecting the pulsation signature in the spectra, we exploit the data further to investigate the
pulsational information content in them.
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Figure 5.2 — Observed individual spectrum around Hβ overplotted with the synthetic spectrum used as
a cross-correlation template.

Cross-correlation profiles

The noise level in the individual spectra (S/N of about 10, see Chapter 3) does not permit
us to analyse the line profile variations in each spectrum. The successful mode identification
based on line profile variations requires typically a S/N ratio above 150 (Aerts et al. 2008).
To increase the S/N in the profiles, we have to combine the information contained in var-
ious line profiles, via e.g. a cross-correlation technique. The S/N in the cross-correlation
functions depends on the number of spectral lines used for the cross-correlation, n, and their
corresponding S/N in the form (Hekker et al. 2006):

S/Ncross−cor =
√

n < (S/N)2 > . (5.1)

CCFs have been used before to study the character of oscillation modes, see e.g
Mathias & Aerts (1996) for the p modes in the δ Scuti star 20 CVn, Hekker et al. (2006) for
solar-like oscillations in red giants and De Cat et al. (2006) for the g modes in γ Doradus
stars.

CCFs have been considered already in the study of sdB stars, mostly to measure the radial
velocity variations due to the pulsations, e.g. in the stars PB 8783 and KPD 1929+4401
(Jeffery & Pollacco 2000) and PG 1605+072 (Woolf et al. 2002) to state a few. Recently,
Telting et al. (2008) used a cross-correlation technique on Balloon 090100001 to combine the
information from many narrow metal lines into a single high S/N profile in order to investigate
the signature of its oscillation modes. Unfortunately, the spectrum of PG 1336−018 is devoid
of any metal lines, due to the high rotational broadening (v sin i of 74.2 km/s, see Chapter 3)
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smearing out the lines. Even in the orbit corrected mean spectrum (Fig. 5.1) there are only
Balmer lines and few weak He I lines which are hidden in the noise in the individual spectra.
Unable to use any narrow metal lines for cross-correlation, we have to rely on the broad
hydrogen and weak helium lines present in our spectra to get the most information possible.

For this purpose we first used the mean orbit corrected spectrum shown in the top panel of
Fig. 5.1 as the template for cross-correlation on the orbit corrected out-of-eclipse spectra. The
resulting CCFs, however, were very noisy. As we identified three He I (4 921 Å, 4 471 Å and
4 026 Å) lines in the mean spectrum, we attempted at using just those He I lines to compute
the CCFs. We used the central wavelengths of these three He I lines to create a template
spectrum consisting of delta functions, rotationally broadened with the observed v sin i. This
method did not give satisfactory results (CCFs were too noisy) as we retrieve only the 4 471 Å
line in each individual spectrum and hence the S/N in the CCFs does not improve.

To increase the S/N in the CCFs we made a model spectrum using the H + He LTE models
of Heber et al. (2000) shown in Fig. 5.1 that reproduced the observed spectrum the best. Us-
ing this model spectrum as a template (from red end up to Hζ = H8) for the cross-correlation
turned out to be the optimal method for our particular data set. Fig. 5.2 shows an individ-
ual PG 1336−018 spectrum around Hβ with the model spectrum used as a cross-correlation
template. The CCFs for each individual spectrum are presented in Fig. 5.3. Since each CCF
represents an average line profile within the region of the spectrum analysed, for the case of
PG 1336−018, the average line profile is dominated by Balmer lines. The intrinsic profiles of
Balmer lines and consequently the CCFs have significantly broadened wings due to a linear
Stark effect and therefore strongly deviate from a Gaussian profile.

5.3 Search for the oscillations in the various line diagnostics

In general, there are two ways to describe line profile variability: as variations in velocity
space (e.g. represented as velocity moments) or as variations in intensity as a function of
position in the line profiles. Accordingly, there are two methods available for analysing
the pulsational characteristics of line profiles: the moment method (Briquet & Aerts 2003,
and references therein) and Fourier parameter fit method (FPF, Zima 2006). Both methods
assume a Gaussian intrinsic line profile. The moment method is based on the time variations
of the first few moments of a line profile and it is optimally suited for slow rotators. The FPF
method relies on the rotational broadening of a line profile and delivers good and reliable
results for v sin i > 20 km/s for the resolution we are dealing with here.

5.3.1 Frequency analysis for various line diagnostics

We search for periodicities in the CCF by analyzing the line moments and intensity variations
on the individual velocity bins across the CCF using the freely available software package
2 (Zima 2008). To analyse the amplitude distribution across the profile we calculate
the Fourier amplitude spectrum of the time-series of the cross-correlation profiles. For each

2The mode identification software package  was developed in the framework of the FP6 European Coordi-
nation Action HELAS (http://www.helas-eu.org/).
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Figure 5.3 — Cross-correlation profiles of our out-of-eclipse PG 1336−018 spectra. The tick marks
on the left axis indicate a difference of 10% in relative intensity units. Each profile has been shifted
downward by the time since midnight UT on the night of observations, as indicated on the right axis.

wavelength (velocity) bin, the amplitude as a function of frequency is plotted in Fig. 5.4,
with the amplitude given as a gray value in continuum units. Though the Fourier amplitude
spectrum is quite noisy, there is a clear variability concentrated around a narrow core of the
CCF in the frequency domain where the peak in the RV is seen (at 5 435 µHz).
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Figure 5.4 — The Fourier amplitude spectrum of the all out-of-eclipse PG 1336−018 spectra. The gray
scale is given in continuum units with the range 0−0.002 (black to white).

We then compute a Fourier spectrum which is the mean of all Fourier spectra across the
narrow dispersion range around the core where the main variation is seen (pixel-by-pixel
method). The resulting Fourier spectrum over the [−100, 100] km/s dispersion range for the
whole frequency domain up to the Nyquist frequency is shown in Fig. 5.5. A frequency at
5 435 µHz with amplitude of 0.0019 (in continuum units) and with a S/N of 4.2 is detected.

A second approach to search for periodicities was carried out by computing the first three
velocity moments of the CCFs (for a definition, see Aerts et al. 1992) and performing a fre-
quency search on the time-series of moments over the same dispersion range. The Fourier
transformations of the equivalent width (zero moment) and first three moments are shown in
the lower panels in Fig. 5.6 together with the 3σnoise threshold. The frequency at 5 435 µHz is
detected in both types of diagnostics (FPF and moments), but with different significance. The
highest amplitude of the detected frequency is found by the pixel-by-pixel method and in the
equivalent width variations with equal S/N of 4.2, while the first and the third moment (rep-
resenting the centroid velocity and the line skewness, respectively) detect the same frequency
with equal significance of S/N = 3.3. The frequency is not detected in the second moment
(which measures the line width changes) of the CCF, which hints towards non-axisymmetric
modes (Aerts et al. 1992).

There are two main noticeable features while comparing the variabilities: the similarity in the
distribution of the frequencies of the pixel-by-pixel variations and equivalent width variations,
and the similarity in shape of the variations of the first and third moments. While the latter
one is not surprising considering the fact that first and third moment are not independent,
the former one is apparent. They are both due to the narrow dispersion range over which
the summation of the FTs was done. While the FWHM of the average CCF is ∼ 1 700 km/s
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Figure 5.5 — Fourier spectrum of the intensity variations across the cross-correlation profiles over the
[−100, 100] km/s dispersion range (pixel by pixel method).

the variability is detected only in the narrow core of the CCFs. Since we are analysing only
the core of the CCFs and not the whole cross-correlation profiles it is not surprising that the
equivalent width variations of the core are dominated by the pixel-to-pixel variations.

5.3.2 The mode character

Although this is the first time the pulsational signal has been detected in the line profile vari-
ations of PG 1336−018, the aim of any asteroseismological study is to identify the pulsation
mode, besides detecting its frequency. Therefore we proceed further with analyzing the char-
acteristics of the detected frequency. As PG 1336−018 is a fast rotator, FPF should be the
most suitable method for mode identification. The FPF method makes use of the fact that the
zero-point (Zo), amplitude (Ao) and phase (Po) across the line profile depend on the (`,m)-
values of the associated pulsation modes. By comparing the theoretical values of zero profile,
amplitude and phase (ZAP) with the observed values, one can, in principle, determine the de-
gree ` and azimuthal order m of a pulsation mode. In the FPF method, the equivalent width
variations of the line profile due to local temperature variations at the stellar surface can be
accounted for.

For the detected pulsation frequency and each dispersion bin across the CCF profile, we
compute a non-linear least-squares fit of sinusoids. This delivers the observational values of
zero-point, amplitude and phase as a function of the position in the line profile. The Fourier
parameters across the CCF profile with their associated errors, as calculated by  are
presented in Fig. 5.7.
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Figure 5.6 — Fourier analysis of the cross-correlation profiles over the [−100, 100] km/s dispersion
range. The frequency domain of the main pulsations detected in the photometry is plotted together
with the 3σnoise threshold (dashed line). The upper panel shows the Fourier analysis of the intensity
variations across the profile (pixel by pixel method). The next panels show the Fourier analysis of the
moments: zero, first, second and third (as marked) with the units given on the right-hand side.

An immediately apparent feature is the absence of a double peaked behavior of the am-
plitude across the profile and the flat phase, i.e. the absence of a phase jump at the line
center. This implies that the mode we detect is not an axisymmetric (m = 0) p-mode pulsa-
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Figure 5.7 — The Fourier parameters across the cross-correlation profiles of the detected pulsation
frequency. The average profile (termed zero point in ) is shown at the top, the observed amplitude
distribution across the profile (solid line, expressed in continuum units) in the middle together with the
error band (dotted), and the observed phase distribution (solid line, expressed in 2π) in the bottom with
the error band (dotted).

tion (Schrijvers et al. 1997). This argument is also supported by considering the effect of the
inclination: for the stars seen almost equator-on the detection of sectoral modes (`= |m|) is
favoured. The orbital inclination of PG 1336−018 is well constrained to i = (80.67± 0.08)◦

(see Chapter 3). Here we assume that the symmetry axis of pulsation has the same inclina-
tion, which is a valid approach for such a close orbit. For a discussion on the alignment of
the axis, see Reed et al. (2006).

The short time baseline of our data set hampers the increase in S/N by phase-folding. Phase-
folding onto the pulsation frequency increases the S/N in the case there is a dominant (or at
least well resolved) mode, as recently shown by Telting et al. (2008) on Balloon 090100001.
We have tried to phase-fold the data onto the detected frequency, but that did not increase the
S/N, most likely due to the fact that the phase-folded data are contaminated by neighbour-
ing unresolved frequencies. Within the frequency resolution of our data set (about 30 µHz),
there are at least 3 closely spaced frequencies detected (Kilkenny et al. 2003) all with similar
photometric amplitudes ∼ 2 mma (see discussion in Sect. 3.4.2 of Chapter 3). Therefore, the
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phase-folding technique is not applicable to our data set.

5.4 Computation of synthetic line profile variations

To interpret the line profile variations in our PG 1336−018 spectra we have to model the var-
ious pulsational modes and compare them with the observed features. We generate a grid of
time-series theoretical profiles using the  and  routines (Townsend 1997) with the
timings of our data set and the detected frequency.  takes as input a set of physical stellar
parameters and a pulsation mode with a given (`,m), pulsation period and velocity amplitude.
From these parameters it produces a list of surface elements with a specific temperature,
gravity, radial velocity, area and viewing angle.  then integrates these elements into an
effective observed spectrum for each point in the pulsation cycle. To accomplish this, 

requires a three dimensional grid of specific intensity spectra covering the required range in
temperature and gravity as well as viewing angle. The computation of the grid of specific
intensity spectra is also a two step process. We started by using a grid of fully metal line
blanketed LTE model atmospheres (Heber et al. 2000), which were plane-parallel and chem-
ically homogeneous and consisted of hydrogen, helium and solar metal abundances. From
these we used Lemke’s version of the  spectrum synthesis program (Lemke 1997) to
compute the specific intensity spectra requred by .

A note of caution regarding the metallicity is required at this point. The chemical composition
of subdwarf B stars is known to be highly peculiar, showing large deficiencies for the lighter
elements (e.g. C and Si) on the one hand, and strong overabundances of heavy elements as
deduced from UV and FUV spectra on the other (see O’Toole & Heber 2006; Blanchette et al.
2008), while iron is found to be approximately solar in most sdBs. The line blocking of UV
iron lines is responsible for most of the line blanketing affecting the temperature-density
stratification of the model atmosphere. Because the heavy elements, such as the iron group,
can be analysed from UV spectra only, we have no means to determine their abundances in
PG 1336−018. Hence we adopted solar values for them in the model atmosphere calculations.
However, synthetic spectra calculated with solar abundances display metal lines (mostly of
light elements) that are far too strong when compared to the observed spectrum, even when
taking the strong rotational broadening into account. In order to produce synthetic spectra
that resemble the mean observed optical spectrum as well as possible, we included metal
lines at abundances depleted by a factor 100 relative to solar in the  spectral synthesis.

The stellar parameters used for modelling the line profile variations are taken from the orbit
solution of Chapter 3 and are summarized in Table 5.1. The inclination angle of PG 1336−018
is constrained from the orbit solution and therefore this parameter was fixed at i = 80.67 ◦.
Keeping in mind that this mode is detected in photometry we computed a grid of synthetic
time-series for modes ` ≤ 3 and for velocity amplitudes VA = 2, 4, 6, 8 and 10 km/s.

The analysis of O’Toole et al. (2003a) and Telting & Østensen (2004) on the line profile vari-
ations on PG 1605+072 and PG 1325+101, respectively, finds that the surface gravity and
temperature variations vary with the same period as the radial velocity variation. Further-
more, Telting & Østensen (2004) explain the variations seen in the profiles of Balmer lines
as pulsational surface gravity, surface temperature and radial velocity variations (see their
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Table 5.1 — Stellar parameters used to model the line profile variations using the spectral-synthesis
codes  and  (Townsend 1997).

Parameter Value
Equatorial rotational velocity 75 km/s
Inclination angle 80.67◦

Polar radius 0.15 R�
Polar temperature 31300 K
Polar gravity 5.77 cm/s2

Pulsation period a 183.98 s

a The period detected in our VLT/ data set and in all photometric campaigns on
PG 1336−018 (see Chapter 3).

Fig. 9). As we are studying the line profile variations of Balmer lines we have included the
gravity and temperature perturbations together with the velocity perturbations. We use a non-
adiabatic factor of 0.5 in the Buta & Smith (1979) equation in  (see the  manual
for an explanation) as found to be required for Balloon 090100001 by Østensen et al. (2008).

We analyze the behavior of each Balmer line from Hβ to Hη across the synthetic profile for ` ≤
3. The variations in both amplitude and phase are clearly visible but only in the narrow core
(< ±200 km/s). From the grid of model calculations, we select a VA of 10 km/s to illustrate
the Balmer line behavior. Figures 5.8 to 5.11 show the amplitude and phase diagnostics for
the synthetic Balmer lines per each `≤ 3 mode. As expected for such a high inclination angle,
modes with m , ` suffer from significant cancellation effects, and sectoral modes (`= |m|)
are favoured. This, however, is the case if we assume that all modes have the same intrinsic
amplitude. The intrinsic amplitudes of (` , m) modes would have to be much higher in order
to reach the same amplitudes across the profiles as sectoral modes for this inclination angle,
see Section 5.5.

The most important point to note is that the retrograde and prograde modes of the same (`,|m|)
are not the mirror images of each other, see Figures 5.8, and 5.10 for example. This is due to
the way the velocity fields and temperature perturbations generate the line profile variability.
The temperature perturbations cause changes in the continuum intensity and changes to the
line profile equivalent width. The surface element with the increased temperature will form
an absorption feature in the line profile of the disk integrated spectrum. If the equivalent
width of the given line profile is increasing with increasing temperature, this absorption fea-
ture will be enhanced whilst if the equivalent width is decreasing with increasing temperature
the absorption feature will be reduced and could become an emission feature. Equivalent
width variations of Balmer lines are described by a nonlinear combination of temperature
and surface gravity (O’Toole et al. 2003a). For hot stars such as sdBs, the change of equiv-
alent width with temperature is negative, so that the equivalent width becomes smaller with
increasing temperature and the Balmer lines are becoming shallower as the temperature is
increasing and deeper as the temperature is decreasing.

Maximum temperature in retrograde mode line profile occurs when the velocity perturbed
line profile is at its deepest, and minimum temperature when the velocity perturbed line pro-
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file is at its shallowest point. The up-down motion is damped so that the sideways motion
dominates, producing a central dip in the amplitude profile. For the prograde modes, how-
ever, the minimum temperature in the line profile occurs when the velocity perturbed line
profile is at its deepest point and the maximum temperature when the velocity perturbed line
profile is at its shallowest point, hence reinforcing the up-down motion of the core of the line
profile over the sideways motion, creating a single peaked amplitude profile.

The overall amplitude of the line profile is increasing with increasing order along the Balmer
series. The rise in the amplitude across the Hζ and Hη profiles is due to their higher sensitivity
to the temperature and gravity effects, and the fact that there is no actual continuum in the
higher order Balmer region (see Fig. 5.1) as the lines are overlapping. O’Toole et al. (2003b)
have also found a strong dependence of line index amplitude on Balmer line order, with high
order Balmer line amplitudes up to 10 times larger than Hβ due to the fact that the line index
may not only be dependent on temperature but also on surface gravity.

The Balmer lines clearly show a different amplitude and phase variation across the profile for
different modes of oscillation and can therefore in principle be used in an attempt to identify
the mode. Each Balmer line shows a phase shift at the center. The phase distribution across
all Balmer lines for `= 0 and `= |m|= 1 is similar while the phase difference between the blue
and red line wings for these modes, 4Ψ0,0 and 4Ψ1,1, is decreasing with increasing Balmer
order from 0.3 π for Hβ to 0.1 π for Hη. The phase distribution for `= m = 2 is different from
`=−m = 2 mode. The phase difference for Hβ, Hγ and Hδ for `= m = 2 is higher than for
`=−m = 2 : 4Ψ2,2 of 0.7 π compared to 4Ψ2,−2 of 0.4 π, and decreasing from Hε to Hη where
it blends with 4Ψ0,0 and 4Ψ1,1. The `= |m|= 3 mode is the most distinguishable among the
modes considered with respect to both amplitude and phase distribution. The amplitude,
even though decreasing with the Balmer order, has a peak at the line center as opposed to the
central dip for the `= m = 0, 1 and 2 modes for both retrograde and prograde case. The phase
difference of the `= m = 3 mode is the only one that increases with the Balmer order from
4Ψ3,3 of 0.5 π for Hβ to 0.8 π for Hη, while for `=−m = 3, the phase difference is decreasing
with Balmer order from 0.7 π for Hβ to 0.4 π for Hη.

To visualize the amplitude and phase behavior of each Balmer line we subtracted the time
averaged synthetic spectrum from each individual one. The time-series of subsequent residual
spectra in gray scale are plotted in Fig. 5.12 for all ` and m modes considered above, for the
region of variability around each Balmer line.

For such a high intrinsic width of Balmer lines (much greater than the rotational broadening
of PG 1336−018) the variability of the surface elements is smeared out over a large part of the
profile. Interestingly, there is still a distinct variability in cores of Balmer lines which makes
them usable for spectral mode identification provided the spectra have enough S/N. Due to
the fact that there is no actual continuum in the higher order Balmer region and their higher
sensitivity to surface gravity variations Hζ and Hη, although carrying valuable information
on gravity variations, are difficult for the interpretation with the current mode identification
techniques.
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synthetic Balmer lines Hβ (left column), Hγ (middle column) and Hδ (right column) for retrograde and
axisymmetric modes. The amplitude across the profile (in continuum units) as a function of Doppler
velocity (ranging from −200 to 200 km/s) of the modes (`,m) as marked on the right axis. The phase is
given in units of π.
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Figure 5.9 — The same as Fig. 5.8 for Hε (left column), Hζ (middle column) and Hη (right column).

5.5 Confrontation between simulated predictions and ob-
served diagnostics

To explore how the line profile variations are preserved in the CCF, we calculate the CCF
of the synthetic spectra in the same way as for the data. Using the same model spectrum
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Figure 5.10 — The same as Figure 5.8 for prograde modes for Hβ (left column), Hγ (middle column)
and Hδ (right column). The amplitude across the profile (in continuum units)as a function of Doppler
velocity (ranging from −200 to 200 km/s) of the modes (`,m) as marked. The phase (bottom) is given
in units of π.

(from Hβ to Hζ) as a template, we cross-correlate the synthetic time-series for each pulsation
mode with `= (0, 1, 2 and 3) and −` ≤ m ≤ `. The CCFs of the simulated time-series
do all preserve the frequency of the oscillation that is stretched up to 1 000 km/s around the
CCF core. The amplitude and phase across the CCF profile, however, are not straightforward
to interpret. The CCF profiles of the intrinsically very broad Balmer lines are smeared out
and lose the sensibility of detecting the small variations in the narrow core of the lines. The
amplitude across the CCF profiles does not recover the narrow (±100 km/s) central dip for
(`,m) = (0,0) and (1,1) modes due to the fact that there is a high overall amplitude in the
wings (increasing toward the core) of the lines for these modes. The amplitude across the
CCF profiles for (`,m) = (2,2) and (3,3) modes recovers the dip and the bump in the core of
the lines, respectively, due to the lower amplitude in the wings for these modes. The phase
across the CCF profiles is smeared out as well, but it does preserve the overall trends.

While the cross-correlation technique is used to smear out the noise it also smears the signal in
such a broad cross-correlation template. After examining the amplitude and phase variations
of different Balmer lines, we conclude that cross-correlation of several Balmer lines may not
preserve the line profile variations in a way traceable for the mode identification as different
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Figure 5.11 — The same as Figure 5.10 for Hε (left column), Hζ (middle column) and Hη (right col-
umn).

Balmer lines do not have the same line profile behavior for the same mode of oscillation (see
Figures 5.8 to 5.11).

To test if different Balmer lines can be combined to achieve better S/N and still preserve
their amplitude and phase distribution across the combined profile, we selected lines that
show similar line profile behavior namely Hβ, Hγ, Hδ and Hε and calculated their average
line profile. The average line profile preserved the amplitude and phase distribution of the
original lines excellently. We have tried the same with the observed spectra both for all the
out-of-eclipse and for the spectra taken during the secondary eclipse but as the averaging of 4
lines gives only a factor of 2 in S/N we still fail to detect the pulsation signal during secondary
eclipse.

Even though the pulsation signal is obviously highly smeared out in the broad CCFs we con-
front the CCFs of the observed spectra with those of the synthetic spectra which have been
manipulated in the same way as the data, to check if any feature emerges. Figure 5.13 shows
the amplitude (top) and phase (bottom) distribution of the CCFs of the data and CCFs the
synthetic time-series for the modes with reasonable amplitudes to fit the observed range (see
the caption). Clearly the errors on the amplitude and phase distribution across the CCFs
are too high to let us attempt any unique mode identification. Note that the velocity ampli-
tude of the (`,|m|) = (3,3), (1,0), (2,1) and (2,0) modes would have to be unrealistically high,
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Figure 5.12 — Three pulsation cycles of residual (mean subtracted) spectra shown as gray scale images
for the core of the synthetic Balmer lines Hβ to Hη (top to bottom) for the (`, m) combinations as marked
below the bottom panel. Black indicates intensities less than the average and white indicates intensities
greater than average. The separation between horizontal ticks is 2 Å and between vertical 1 pulsation
phase.
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VA> 100 km/s for (`,|m|) = (3,3) and VA≥ 30 km/s for the (`,|m|) = (1,0), (2,1) and (2,0) in or-
der to reach the amplitude of the data and therefore are not plotted. Interestingly, the phase of
the CCFs of the data set fits rather well the phase distribution of the (`,|m|) = (0,0), (1,1) and
(2,2) modes in the narrow region where the variability is seen. Due to the large errors (gray
area in Fig. 5.13) we cannot make any further conclusions. The phase distribution of CCFs
of `= 0 and `= |m|= 1 modes is indistinguishable. While the amplitude and phase distribu-
tion can in principle distinguish between `=|m|=0, 1 and `=|m|=2 modes, the amplitude and
phase distribution of our data set is too noisy to exclude any of the `= |m|= 0, 1 or 2 modes.

5.6 Conclusions

Due to the low signal in the individual spectra we were not able to analyze the line profile
variations of the individual lines in the time-series of PG 1336−018 spectra but instead we an-
alyze the variations of the CCFs that approximate the average line for each spectrum. The lack
of metal lines in PG 1336−018 spectrum forced us to work with CCFs of broad Balmer lines
which smear out the pulsation signal. Nevertheless, we detected one pulsational frequency in
the CCFs of PG 1336−018 in all line diagnostics. This is the first time a pulsational signal has
been detected in high-resolution spectra of PG 1336−018. The detected frequency has equal
significance in the pixel-by-pixel method and in the variation of the equivalent width, while
the same frequency with somewhat lower amplitude is detected in the analysis of the first and
third velocity moments. Phase folding onto the detected pulsation frequency to increase the
S/N is not suitable for the case of our short time base spectra of PG 1336−018 as it does not
have an isolated high amplitude frequency.

Although suitable for the case of PG 1336−018 with respect to the high rotational velocity,
we were not able to use the FPF spectroscopic mode identification technique as implemented
in the software tool  on the CCF of PG 1336−018 as this method assumes Gaussian
intrinsic line profiles and therefore is not suitable for the lines whose intrinsic profile deviates
from a Gaussian.

However, from the overall qualitative amplitude and phase distribution analysis of the ob-
served versus synthetic CCFs we conclude that the mode detected in the PG 1336−018 spectra
is not an (`,|m|) = (3,3), (1,0), (2,1) or (2,0) mode. While the amplitude and phase distribu-
tion can in principle distinguish between `= |m|= 0, 1 and `= |m|= 2 modes, in our data they
are too noisy to exclude any of the radial, sectoral dipole or quadrupole modes. It would be
interesting to compare the seismic solutions for these options in a χ2 sense, but we cannot
deduce this information from the study of Charpinet et al. (2008).

Our most important conclusion is that the low order Balmer lines can be used as diagnostic
tool to identify pulsation modes, provided that each individual spectrum has a sufficiently
high S/N ratio (at least 200), as we have shown with our simulated time-series.
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Figure 5.13 — The amplitude (upper) and phase (bottom) distribution of the CCFs of the data (thick
black double dashed line) with errors (gray area) overplotted with the amplitude and phase distribution
of the CCFs of the synthetic spectra for modes with realistic amplitudes. The amplitude is given in
continuum units and phase in units of π. The radial mode with VA = 4 km/s is shown (thin blue dashed
line), the (`,m) = (1,1) with VA = 6 km/s (red dotted line), the (`,m) = (1,−1) with VA = 8 km/s (light
blue long dash-dot line), while the (`,|m|) = (2,2) modes only for VA≥ 14 km/s reach the observed range,
given as yellow thin short dash-dot for (`,m) = (2,2) and black thin double dashed line for (`,m) = (2,−2).
The amplitudes of the (`,m) = (1,0), (2,1) and (2,0) modes would have to be ≥ 30 km/s to reach the
observed amplitudes, while the (`,m) = (3,3) mode only with VA > 100 km/s fits into the observed range.
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Chapter 6
Multicolour photometry of EO Ceti
(PB 8783)

Abstract:

In this chapter we present the first high-speed multicolour photometry of the bright
V361 Hya star PB 8783 (mV = 12.3). The observations were gathered with the three-
channel ULTRACAM instrument attached to the 4.2-m William Herchel Telescope.
The data set has a total time span of 6.2 d and consists of 31 h simultaneous three
colour photometry. The main power regions in all three colours are the same as pre-
viously reported in the white light photometric campaigns on PB 8783. We calculate
the frequencies, amplitudes and phases of the significant modes in three colours of the
SDSS system, r’, g’ and u’. The amplitudes of the detected modes are the highest in the
u’ lightcurve, and the phases are the same in all three colours within the measurement
accuracy. The amplitudes of the highest signal-to-noise modes show time variability
in all three colours. We analyse the amplitude and phase variations of the five highest
signal-to-noise modes in different colours. Even though the amplitudes show varia-
tions from night to night, the amplitude ratios are found to be constant to within 2 σ
level. This result is promising as it will allow us to compare the observed amplitude
ratios with theoretically calculated amplitude ratios in the near future. This will further
constrain the mode identification of the highest amplitude modes in PB 8783 and will
allow us to construct seismic models of the star which can further be confronted with
the proposed binary evolution models.

6.1 Introduction

The first star studied in this Thesis, PG 0014+067, is a single sdB star (see Chapter 2) while
the second star, PG 1336−018 (see Chapter 3 and Chapter 5), is a member of a close binary
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system. The third target we want to study is an sdB star that belongs to the third proposed
evolutionary channel (see Chapter 1), i.e. the stable Roche lobe overflow (RLOF) channel.
This binary evolutionary channel is responsible for producing sdB stars in a wide binary with
a main sequence (MS) companion, with orbital periods between 10 and 1000 days (Han et al.
2002, 2003, and references therein). The resulting masses of sdBs that are produced by the
RLOF evolutionary channel are similar to the masses of the sdBs which are produced by
the common envelope ejection channel, i.e. their mass distribution peaks at 0.46 M�. How-
ever, they have a much thicker hydrogen envelope. The only way we can test the proposed
evolutionary channel is via asteroseismology as this is the only tool that can determine the
thickness of the hydrogen-rich envelope, apart from the total mass of a star.

The recent binary population synthesis calculations predict a large number of long period
sdB binaries formed by the stable RLOF channel. The observations, on the other side, seem
to miss this very large population of wide binary sdBs. The long term radial velocity (RV)
monitoring studies (Morales-Rueda et al. 2003b, 2004, 2006) find only one sdB with a period
of few hundred days, which is the maximum detected orbital period, and 4 systems (out of
55) with periods longer than 10 days. The accuracy on their RVs is of the order of 10 km/s,
and therefore their sample is biased toward shorter periods.

As the target to test the stable RLOF scenario via asteroseismology, we chose the brightest
pulsating sdB star with an F/G-type companion, PB 8783. The orbital solution of PB 8783 is
still unknown. Long-term intermediate resolution spectra with an RV accuracy of ∼10 km/s
do not show orbital RV variations (Morales-Rueda, private communication), suggesting that
this is a low-amplitude long-period binary. On the other hand, Jeffery & Pollacco (2000)
reported RV variations with an amplitude of ∼13 km/s with 0.15 d time scale in their short
(∼3 h total) time-resolved spectroscopy spanning one night, leaving the option of a relatively
short orbital period binary open. Whether the detected variation was a trend in their data set or
a true RV variation remains to be confirmed. However, we selected it because this is the only
bright V361 Hya star with the F/G-type companion that has been a target of several observing
runs. Moreover, PB 8783 was the second V361 Hya star discovered by Koen et al. (1997),
who detected six low amplitude periodicities between 120 and 135 s. Soon after the discovery
it took a lead as the first pulsating sdB star for which a multisite campaign was ever organised.
With five telescopes around the globe O’Donoghue et al. (1998) collected about 185 h of
white light photometry on PB 8783 spanning 14 d which led to the detection of more than 10
low amplitude modes with periods between 94 to 136 s. They find that the frequency spectrum
of PB 8783 consists of groups of periods comprising one or more individual frequencies, with
a typical frequency spacing between the group members of about 1−2 µHz. In particular, they
found an equally split triplet at 122 s with a splitting of 0.94 µHz suggestive of a rotational
period of 12 d. The amplitude and phase of the highest amplitude frequency member of
the group were seen to vary on a timescales of 6−8 d. Their attempt at mode identification
by period matching did not give satisfactory results and therefore O’Donoghue et al. (1998)
conclude: “progress in understanding the pulsations of PB 8783 must await secure mode
identifications”. More recent follow up single-site observations spread over two weeks in
2003 (Vučković et al. 2005) found new frequencies within the known members of the groups
of O’Donoghue et al. (1998).

The ultimate goal of any asteroseismic study is to measure a total mass of a star M, mass of
its envelope Me and the chemical stratification. To reach this goal asteroseismology needs
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to have a secure identification of the pulsation modes in order to reduce among the plausi-
ble asteroseismic models. Empirical identification of modes can be achieved in two ways.
Based on the wavelength dependency of the amplitude and phase of the mode of pulsation
the spherical degree ` can be inferred from multicolour photometry (e.g. Balona & Stobie
1979; Dupret et al. 2003; Tremblay et al. 2006), while both ` and m can be deduced from
line-profile variations in high-resolution spectroscopic data (e.g. Aerts & Eyer 2000). The
mode identification in V361 Hya stars presents a major challenge. Their faintness coupled
with the complicated frequency spectrum of short pulsation periods with strong beating pat-
terns and low amplitudes, requires the biggest telescopes with sufficient observing time to
reach the required accuracy for mode identification. Recent efforts in application of the am-
plitude ratio method to V361 Hya stars in the adiabatic approximation by Jeffery et al. (2004,
2005) and Aerts et al. (2006) have demonstrated the need for the nonadiabatic treatment in
the computation of the theoretical pulsation amplitudes. With the new theoretical calcula-
tions of amplitude ratios for sdB stars including a full nonadiabatic treatment developed by
Randall et al. (2005) and by Hu (2009) we are now finally ready for a secure mode identifi-
cation via the amplitude ratio method whenever sufficiently accurate amplitude ratio values
become available.

Therefore, we chose to observe PB 8783 yet again, this time simultaneously in three different
colours with the goal to measure accurate amplitudes in three filters for pulsation modes of
known frequencies. For maximum scientific return, i.e. to reduce the aliases in the window
function, to improve on the frequency resolution and to improve the overall signal-to-noise
(S/N) we intended to observe simultaneously from two sites. From the published frequency
spectrum (O’Donoghue et al. 1998) it is known that a beating of 6 to 8 days is present in
PB 8783. Unresolved beating between modes affects the observed amplitudes and can ren-
der the mode identification via the amplitude ratio method inconclusive (Aerts et al. 2006).
Therefore, it is essential to cover the beat period in order to resolve the closely spaced fre-
quencies in order to be able to accurately measure their amplitudes. Unfortunately, only our
proposal for multicolour photometry at the William Herschel Telescope was awarded time.

With high S/N but single-site data, the aim of this work is not to establish a novel frequency
list for PB 8783, but rather to study for the first time the pulsations of PB 8783 in three
different colours simultaneously in order to examine the amplitude ratios of its main modes
and their stability with time.

6.2 Observations and data reduction

6.2.1 Multicolour photometry

PB 8783 (α2000 = 01:23:43.3, δ2000 =−05:05:46, mV = 12.3 ) was observed in October 2007
using ULTRACAM attached to the 4.2m William Herschel Telescope (WHT) on La Palma,
Spain. ULTRACAM is a CCD camera designed to provide imaging photometry at high tem-
poral resolution in three different colours simultaneously (Dhillon & Marsh 2001). Incident
light is first collimated and then split into three different beams using a pair of dichroic beam-
splitters. One beam was dedicated to the SDSS u′ filter, another to the SDSS g′ filter and the
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Table 6.1 — Summary of the WHT/ULTRACAM observations of PB 8783.

Date Seeing Starting time Run length Number of frames Exposure time
October 2007 arcsec MJD = JD−2400000.5 h s

r’ and g’ u’ r’ and g’ u’

22 2 to 3 54395.9774133820 3.14 5591 2800 2 4
23 1.5 to 5 54397.0024080400 3.88 14021 7020 1 2
24 1 to 3 54397.8541136038 7.50 33114 6680 0.6,0.8,1,2 4
25 1 to 4 54398.8998650535 4.25 14998 2607 0.6,0.8,1,2 4,5
26 4 to 12 54399.9932693276 5.05 6030 2655 1,2,5 4,5
27 no data
28 1 to 8 54401.8974394767 6.91 19799 2594 1,2,2.5,5 5,10

third to the SDSS r′ filter (Fukugita et al. 1996). The three beams are refocused onto three
cameras with identical 1k×1k frame-transfer CCDs. A summary of the observations is given
in Table 6.1.

During our observing run PB 8783 was very close to the full Moon and on the night of Oc-
tober 25 the 100% full Moon was only at 19◦ from the target. The sky conditions during
the whole observing run were variable with clouds and high humidity. The seeing was vari-
able throughout the night (on a timescale of minutes), the typical seeing through each night
is included in Table 6.1. The sky conditions were worsening toward the middle of the run
and during the nights of October 25 and 26 the humidity forced us to close the dome several
times, while on October 27 we could not even open the dome as the humidity didn’t drop be-
low 100%. The sky conditions were most stable on October 22 and 28. Constant adaptation
to the weather conditions implied that the exposure time was changing from one exposure
to the other to avoid saturation, when the seeing improved, and to optimise the count rate in
bad seeing conditions. As the ULTRACAM window setup is dependent on the cycle time
this made us compromise the number of comparison stars. To include the maximum number
of comparison stars we used six windows in each of the three ULTRACAM CCDs. Fig-
ure 6.1 shows the window setup for CCD2, corresponding to the g’ filter, where the target
is in window number 6. A persisting problem when performing multicolour observations of
exceptionally UV-bright V361 Hya stars is the fact that it is hard to find comparison stars with
sufficient U-band flux. The lack of bright comparison stars in the u’ filter (at least comparable
in brightness to the V361 Hya star in u’) hampers any good S/N in the differential light curve
which results in large errors on the amplitudes for that band. In the WHT/ULTRACAM field
view (5 ′ × 5 ′) around PB 8783, there was only one comparison star (the brighter one in win-
dow 4 of Figure 6.1) visible in u’ filter, albeit with a count rate about 11 times less than the
target. In the r’ and g’ filters this was not a problem as there were several good comparison
stars available.

To increase the signal in the u’ filter we used the new option in the ULTRACAM setup to
take longer exposures in u’ than in r’ and g’ filters as can be seen in Table 6.1. The longest
exposure time was 10 s which still samples the main pulsations at ∼ 120 s well. In total we
gathered about 31 hours of simultaneous multicolour photometry on PB 8783 over 6 nights
with a total of 197 490 usable science frames.
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Figure 6.1 — Window setup for CCD2 (g’ filter) of WHT/ULTRACAM. The target PB 8783 is in
window 6, with the comparison stars in windows 1, 2 , 3 and 4. The brightest star in window 4 was
the only comparison stars visible in CCD3 (u’ filter). The CCD was rotated to achieve the maximum
numbers of comparison stars (∼ −45◦).

6.2.2 Data reduction

All data frames were reduced with the ULTRACAM pipeline (Dhillon & Marsh 2001) using
the variable aperture (aperture type can be ‘fixed’ or ‘variable’) and the normal extraction
method, while the aperture positions were updated from one frame to another to correct for
tracking errors. The time stamp of each frame is obtained from several (6 to 7) satellites in the
Global Positioning System and is given in Modified Julian Date at the centre of the exposure
(MJD = JD −2400000.5). No correction for the light travel time has been made since this is
negligible for the accuracy of the frequency measurements at time-baseline of our data set.

Differential lightcurves (DLC) for r’, g’ and u’ were constructed by dividing the count rate
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Figure 6.2 — Lightcurves of PB 8783 in the r’ filter obtained during our ULTRACAM observing run.
The ordinate is the amplitude given in modulation amplitude (ma) units, and the abscissa is time given
in hours centered on the 0 UT. Each panel is labeled (at the left) with the date of the observation given
as October 2007 corresponding to Table 6.1.

of the target with that of the brightest comparison stars. The DLC for each night were then
corrected for any low-frequency variations, such as variations in differential atmospheric ex-
tinction, by fitting and removing a low-order polynomial. The resulting DLC, showing a
fractional variation of the intensity of the light1 as a function of time, are presented in Fig-
ures 6.2, 6.3 and 6.4 for the r’, g’ and u’ filter respectively. The bad weather conditions,
high humidity followed by clouds lit by the moon, are readily visible in the quality of the
data, especially so for the middle of the run (October 24, 25 and 26). The high airmass with
clouds lit by the 98% full Moon only 16◦ from the target resulted in very noisy DLC in the u’
filter for the first part of the October 24 and these data are not included in the analysis. The
best weather conditions were on the first and the last night of observing (October 22 and 28)
resulting in clean DLC with the lowest RMS. Nevertheless in each night’s lightcurve in all
three filters the pulsations are clearly visible.

To point out the main features of the lightcurves a section of 3.7 h good quality data obtained
on October 28 is plotted in Fig. 6.5 on the same scale for all three filters. Here we can see
clear pulsations with a strong beating pattern indicating interference between at least two
frequencies. During observing at WHT we noticed that the pulsations almost disappear for
several minutes and reappear shortly after. The faint comparison star is responsible for the
higher noise in u’ filter compared to the noise in r’ and g’. Despite the higher noise, the
pulsations have the highest amplitude in u’ filter. This has been already seen in all other

1We recall from Chapter 2 that the amplitude in each filter is given as ’modulation amplitude’, with the units of
ma where ma = ∆I/I, with I being the intensity at a given frequency.
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Figure 6.3 — The same as Fig. 6.2 but for the g’ filter.
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Figure 6.4 — The same as Fig. 6.2 but for the u’ filter. The ordinate is given in the same units but from
-0.15 to 0.15.

multicolour observations of V361 Hya stars with ULTRACAM (Jeffery et al. 2004, 2005;
Aerts et al. 2006; Vučković et al. 2007).
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Figure 6.5 — Section of the ULTRACAM lightcurves of PB 8783 on 2007 October 28 in each filter
r’ (top), g’ (middle) and u’ (bottom). The panels have the same vertical scale, but the r’ and the u’
lightcurve were shifted by 0.05 ma upwards (r’) and downwards (u’) for clarity. The time is in minutes
from the beginning of the run on 2007 October 28.

6.3 Frequency analysis

The multi-site campaign on PB 8783 (O’Donoghue et al. 1998) led to eleven low amplitude
modes with periods in the range 94−136 s. With the nominal resolution of 0.8 µHz frequency
splittings of 0.94 µHz were found and were interpreted in terms of a rotational period near
12 d. The three highest amplitude frequencies showed amplitude and phase variations on a
timescale of 6 to 8 d. Our single-site 6.2 d time baseline does not provide the accuracy needed
to resolve the fine structure present in the frequency spectrum, nor lets us resolve the possible
beat periods reported by O’Donoghue et al. (1998).

We combined the lightcurves of all nights per filter and performed the frequency analysis
over the full frequency range up to the Nyquist frequency (∼ 20 000 µHz for the u’ light
curve) in steps of 0.18µHz. The Fourier amplitude spectra of the combined data are shown
in Figure 6.6 for the three filters. The frequency resolution (1/T, where T is the total time
span) of our data set is 1.9 µHz. The sampling times of the r’ and g’ lightcurve are identical,
but different from the sampling time of the u’ lightcurve. This is immediately reflected in the
slightly different window functions of r’ and g’ than of u’ lightcurve (two bottom panels in
Figures 6.7 to 6.11). Although both window functions are complex due to the shortness of
the time series and the strong cycle per day (c/d) aliases at 11.6 µHz, the r’ and g’ window
function also shows strong sidelobe aliases at ∼ 2 µHz. This makes the frequency analysis
indeed very complicated as it coinsides with the close spacings in the spectrum of PB 8783.
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Figure 6.6 — Fourier amplitude spectrum of the combined data set on PB 8783 in each filter, r’, g’ and
u’ top to bottom, respectively. The amplitude (y-axis) is given in mma on the same scales for all three
filters.

The pulsations are most prominent in the u’ filter although the noise is also the highest in
this filter, due to the very faint comparison star (see Section 6.2). The main power domains
of PB 8783 did not change from the multisite campaign in 1996 and the single site photom-
etry in 2003 (see Fig. 3 of O’Donoghue et al. (1998) and Fig. 1 of Vučković et al. (2005)).
The main power in all three colours still remains concentrated in the 7 000−11 000 µHz fre-
quency range. The higher sampling rate and better S/N of the r’ and g’ lightcurves allow
us to confirm the presence of the low amplitude high frequency cluster near 16 000 µHz (see
Fig. 6.11) seen in the 1996 data with higher significance. As an estimate of the variance σ we
took the average amplitude of the Fourier Transform (FT) over several frequency domains
where no significant peaks were found, i.e. [40 000−50 000] µHz, [20 000−30 000] µHz
and [11 000−14 000] µHz which resulted in σr′ = 0.025 mma, σg′ = 0.031 mma and σu′ =

0.23 mma. We have searched for significant frequencies in the combined lightcurves for each
of the three colours independently, by performing a simultaneous multifrequency non-linear
least-squares fit in the following way.

After identifying the highest amplitude peak in the spectrum we calculate the non-linear least-
squares fit (NLLS hereafter) by leaving all three parameters: frequency, amplitude and phase
free. We remove this peak from the data by subtracting a sine wave with these parameters
from the original lightcurves (this procedure is usually termed ‘prewhitening’). We calcu-
late the Fourier amplitude spectrum of the prewhitened residuals and repeat the procedure
by adding the new sine wave to the NLLS until no new peaks could be securely identified.
This was done for each colour independently. We consider an independent frequency statisti-
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Figure 6.7 — Fourier amplitude spectrum of the combined data set centered around the 127 s, 123 s and
122 s periodicities in each filter, r’, g’ and u’ followed by the window for the u’ and window for the
r’and g’ lightcurve, top to bottom. The amplitude is given in different scales for different filters.

cally significant whenever its amplitude reaches S/N≥4 (Breger et al. 1993) or if it has been
detected in other colour with this criterion. In this way we are able to detect all the frequen-
cies reported by O’Donoghue et al. (1998) to within our frequency resolution. We confirm
the new frequency at 7875 µHz found by Vučković et al. (2005). It turns out that this is the
highest amplitude frequency in all three colours of our ULTRACAM data set. We do not find
the two low S/N frequencies reported by Vučković et al. (2005) at 7058 µHz and 11818 µHz
in any colour of our data set and therefore corroborate their suspicion of being caused by the
noise in their data. Apart from the known frequency at 8589.8 µHz we find a closely spaced
additional frequency at 8587.2 µHz (see Fig. 6.9). The multiplet structure of the frequency at
8589.8 µHz was already suspected by O’Donoghue et al. (1998) but it was of too low signifi-
cance in their data. Even though this frequency is clearly detected in our data set in all three
colours it coincides with a strong sidelobe of our window function and therefore the exact
frequency should be confirmed by a longer data set with a better window function.

The list of obtained frequencies, amplitudes and phases in all three colours is listed in Ta-
ble 6.2 together with all previously published frequencies on PB 8783. The frequencies listed
are the average of the frequencies in each colour. As already mentioned the aim of our high
S/N multicolour study of PB 8783 was not to accurately determine the multiplet structure of
its frequency spectra but rather to study the behaviour of the well known modes in different
colours. Therefore we show the Fourier amplitude spectra of simultaneous lightcurves in
three colours enlarged around the main power domains in Figure 6.7 to Figure 6.11. From
those figures it is evident that the frequency spectrum of PB 8783 is indeed complex and
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Figure 6.8 — The same as Fig. 6.7 centered on the 134 s period.
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Figure 6.9 — The same as Fig. 6.7 centered on the 116 s period.
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Figure 6.10 — The same as Fig. 6.7 centered on the 94 s period.

that most of the frequencies appear to have multiple structure with similar spacings of about
2 µHz. As this is about the resolution of our data and it coincides with the strong alias in
the window function we cannot push the frequency analysis beyond the results reported in
Table 6.2.

6.4 Amplitude variability

The beating pattern seen in the lightcurves can be caused either by the interference of closely
spaced frequencies which occurs as a variable amplitude, or by true amplitude variability of
a mode. To determine which of the two is the case, is not a trivial task. We need to have
long enough data set to be able to cover the possible beat period, or theoretically predicted
amplitude variability in order to successfully test the possible causes. Both cases, however,
produce amplitude modulation of a detected frequency. In the multisite campaign data set
on PB 8783, O’Donoghue et al. (1998) detected amplitude and phase variations of the three
main frequencies from which they conclude that the beat period is of the order of 6 to 8 d.
Unfortunately the time span of our data set does not allow us to confirm this.

To apply the amplitude ratio method in order to identify the modes we first need to study the
behaviour of the amplitudes in the different colours. Therefore, we explore the amplitude and
phase variability in all three filters in our data set night by night. First we look at the Fourier
amplitude spectra to determine which frequencies are present in each filter night by night.
Figure 6.12 to Figure 6.14 show the Fourier amplitude spectrum per observing night of r’, g’
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Figure 6.11 — The same as Fig. 6.7 centered on the high frequency region.

and u’ lightcurves respectively, for the frequency domain of the main power.

Although the data set on the nights of October 25 and 26 is of very low quality we include
them in the global analysis as some modes do show up in the FT. We can clearly confirm that
the modes studied vary in amplitude in each colour.

6.4.1 Amplitude ratios

To explore further the amplitude and phase behaviour we select the five highest S/N frequen-
cies from the combined data set that are seen on a nightly basis in all colours to study their sta-
bility. Since all these frequencies seem to have a multiplet structure (see Table 6.2) we work
with the strongest amplitude frequency of the group, namely the frequencies at 7875.06 µHz,
8150.46 µHz, 8088.7 µHz, 7452.3 µHz and at 8589.8 µHz. To determine the amplitudes and
phases for these frequencies as a function of time, we calculate their amplitude and phases
with the NLLS method by keeping the above frequencies as fixed parameters. Figure 6.15
to Figure 6.19 show the amplitudes and phases in three colours, with their corresponding 1σ
errors, for the five frequencies for each observing night. The phase (Tmax) is given as the
time of maximum amplitude in seconds since the beginning of our data set. The errors on
amplitudes and phases for some nights are large. This was expected for the bad data quality
on October 25 and 26, but for the other nights it reflects how well that particular frequency
is detected in that part of the data set. For example the 7875.06 µHz frequency is hardly de-
tected on October 22 in all colours, whereas it is the dominant frequency on October 24 in
all colours (see Figure 6.12 to Figure 6.14). This is immediately seen in the errors on both
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Figure 6.12 — Fourier amplitude spectra of the r’ lightcurve per each observing night as labelled at the
left of each panel. The vertical scale (amplitude) is the same for all panels and it is given in mma from
[0−1.9].

0

2

22

0

2

23

0

2

24

0

2

25

0

2

26

0

2

6000 7000 8000 9000 10000 11000

28

Frequency [µHz]

Figure 6.13 — The same as Fig. 6.12 for the r’ lightcurve. The amplitude scale is the same in all panels
given from [0−3].



110 Chapter 6. Multicolour photometry of EO Ceti (PB 8783)

0

2

4

6

22

0
2
4
6

23

0
2
4
6

24

0
2
4
6

25

0
2
4
6

26

0
2
4
6

6000 7000 8000 9000 10000 11000

28

Frequency [µHz]

Figure 6.14 — The same as Fig. 6.12 for the u’ lightcurve. The amplitude scale is the same in all panels
given from [0−7].

amplitude and phases of those nights.

While the amplitudes of each frequency show clear variability in time, our data set is too
sparse to categorise if the variation is periodical or not. For the highest amplitude mode at
7875.06 µHz, the pattern of the amplitude modulation is suggestive of a sinusoidal shape,
especially if we look at the r’ and g’ data as they have the smallest errors. This would be
expected for beating with a closely spaced mode.

To check if the amplitude ratios of different colours for a particular frequency vary in time
we have calculated the ratios of each combination of the three colours, namely r’/g’, g’/u’
and r’/u’ for each of the five frequencies studied. These amplitude ratios are presented at the
bottom panels of Figure 6.15 to Figure 6.19 together with the 1σ errors. Even though the
amplitudes in different colours vary in time, for each of the five frequencies studied we can
conclude that their amplitude ratios stay constant. This is shown with the constant line of
each particular colour drawn at the value of the amplitude ratio of the combined data set. The
line of constant amplitude ratio fits all data points to within 2σ level. The amplitude ratios of
the combined data set for the five selected frequencies are indicated in Table 6.3. We see that
the amplitude ratios agree rather well for all but the last frequency at 8589.8 µHz. The reason
for this, apart from obviously having the least S/N level and therefore the largest errors, is
that this frequency is hardly detected in the u’ light curve (see Table 6.2).
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Table 6.3 — Observed amplitude ratios for the ULTRACAM data set on PB 8783. The 1σ error is given
as the last digit in parentheses.

amplitude ratio 7875.06 µHz 8150.46 µHz 8088.7 µHz 7452.3 µHz 8589.8 µHz
r’/g’ 0.56(2) 0.54(2) 0.54(2) 0.54(3) 0.51(6)
g’/u’ 0.45(3) 0.40(3) 0.44(3) 0.43(4) 0.59(5)
r’/u’ 0.25(2) 0.22(2) 0.24(2) 0.24(2) 0.30(6)
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Figure 6.15 — Amplitude (top panel) and phase (middle panel) of the 7875.06 µHz frequency in all
three colours r’ (red), g’ (green) and u’ (blue) per observing night as labelled on the horizontal axis.
The r’ and u’ data are slightly offset in the horizontal direction for better visualisation. The bottom
panel shows the amplitude ratios of all three combinations as given in the insert. The solid line drawn
for each colour represents the amplitude ratio fixed to the value of the combined data set which was
visualized as the point corresponding to October 28.5 .

6.5 Conclusions and Future work

We have presented the first high-speed multicolour data set on PB 8783. The frequency spec-
trum we are seeing in the three colour ULTRACAM data has the same main groups of fre-
quencies with the underlying multiplet structure already seen in the multisite white light data
of PB 8783. The light curves are in phase in the three colours for all the significant frequen-
cies. The multiplet structure seen around the majority of the modes is of the order of the
resolution of our data set ∼2 µHz and it corresponds to a beat period of about 6 d seen previ-
ously in the amplitude and phase variations of the 134 s mode by O’Donoghue et al. (1998).
This could in turn mean that we are seeing the closely spaced parts of multiplets, and if this is



112 Chapter 6. Multicolour photometry of EO Ceti (PB 8783)

0.0

1.0

2.0

3.0

4.0

5.0

6.0
A

m
pl

itu
de

 [
m

m
a]

At 8150 µHz

  0

 10

 20

Ph
as

e 
[s

]

0.0

0.2

0.4

0.6

0.8

1.0

22 23 24 25 26 27 28

A
m

pl
itu

de
 r

at
io

s

Time [days of October 2007]

r/g
g/u
r/u

Figure 6.16 — The same as Fig. 6.15 for the frequency at 8150.46 µHz.
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Figure 6.17 — The same as Fig. 6.15 for the frequency at 8088.7 µHz.



6.5. Conclusions and Future work 113

0.0

1.0

2.0

3.0

4.0

5.0

6.0

A
m

pl
itu

de
 [

m
m

a]

At 7452 µHz

  0

 10

 20

 30

Ph
as

e 
[s

]

0.0

0.2

0.4

0.6

0.8

1.0

22 23 24 25 26 27 28

A
m

pl
itu

de
 r

at
io

s

Time [days of October 2007]

r/g
g/u
r/u

Figure 6.18 — The same as Fig. 6.15 for the frequency at 7452.3 µHz.
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Figure 6.19 — The same as Fig. 6.15 for the frequency at 8589.8 µHz.
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due to the rotational splitting then none of these modes are radial modes (`= 0). On the other
hand, the frequencies of PB 8783 might have intrinsically variable amplitudes. Any intrinsic
amplitude variability would cause spurious frequencies close to the intrinsic one when all
the data are combined. As our data set does not cover the suspected beat period we cannot
solve this ambiguity. The third option could be that the apparent multiplet structure is indeed
produced by closely spaced frequencies but of modes with different ` value whose multiplet
structure overlaps . The answer to this puzzle can only come from a long and dedicated
campaign with a sufficient time span (≥ 2 weeks) to resolve the beat periods.2

We do not expect the amplitude ratios to change, as we have shown in Table 6.3. However,
these extensive new data will help mode identification from the recognition of frequency
multiplets, which is complementary information with respect to our multicolour photometry.

We measured amplitude and phase variations of the five highest S/N frequencies from the
combined ULTRACAM data set in all three colours and conclude that their amplitudes and
phases vary in time in each colour. We then calculated amplitude ratios for each of the five
frequencies and find them to be constant to within 2σ level. The fact that the amplitude ratios
are constant is promising as it will allow us to compare theoretical amplitude ratios with the
observed ones in order to identify the modes. Such theoretical work was beyond the scope of
the present thesis, but will be taken up in the future, based on the new theoretical treatment
developed by Hu (2009).

To reduce the parameter space for the model calculations we need to have accurate determi-
nation of effective temperature, Teff and surface gravity, log g. Since PB 8783 is a composite
system, the Teff and log g have to be determined by spectral decomposition. The only esti-
mate of the temperature was done by Koen et al. (1997, Teff = 33 000 ±2 000 K) from abso-
lute photometry. Assuming an sdB mass of 0.5 M� and taking the radius of a MS star of
the same effective temperature, Koen et al. (1997) estimated the radius of the primary to be
RsdB = 0.17±0.03 R�, the gravity to be log g = 5.70 ±0.15, and a distance to the system of
800±200 pc. O’Donoghue et al. (1997) soon afterwards, from fitting the composite energy
distributions to the observed spectra, found that the surface gravity of PB 8783 could be as
low as log g = 5.54 for an effective temperature of Teff = 35 700 K, and as high as log g = 5.80
for Teff = 38 000 K. The issue of an underestimation of surface gravity of PB 8783 due to the
contribution of the Balmer lines of the companion was further raised by O’Donoghue et al.
(1999), who speculated that the PB 8783 is likely to have a log g∼ 6.0. Once the temperature
of both the primary of PB 8783 and the redder companion are accurately determined we will
take into account the contribution of the companion to the total light of the system. We will
then recalculate the amplitude ratios. The contribution of the companion to the total light

2Serendipitously enough, during the third meeting on hot subdwarf stars and related objects held in Bamberg,
Germany in July 2007 we started a collaboration with Betsy Green, who was planning a long photometry campaign
on PB 8783 at the 1.5-meter Kuiper Telescope of the Steward Observatory at Mt. Bigelow, USA. The campaign,
in which we participated was successful, with a total time span of ∼78 d and about 177 h of data on PB 8783. The
observing histogram of the campaign at Mt. Bigelow is presented in Figure 6.20 where we can see that while,
unfortunately, there is no overlap with our ULTRACAM data, due to the bad weather and proximity of the full
Moon, the Mt. Bigelow campaign preludes the ULTRACAM data with the longest consecutive time span of 11 d
which, together with ULTRACAM observations makes the longest consecutive photometric data set on PB 8783 ever
made. We are looking forward to get access to the Mt. Bigelow data set, as it will provide us with the most accurate
frequency list on PB 8783. With the nominal frequency resolution of about 0.15µHz, any closely spaced frequency
up to ∆ν = 0.4 µHz should be securely resolved (Loumos & Deeming 1978).
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Figure 6.20 — The histogram of observations of PB 8783 at Mt. Bigelow. This figure is kindly provided
to us by Betsy Green (private communication).

of the system will be the strongest in the r’ lightcurve and therefore we will test if the r’/u’
amplitude ratios will increase with respect to the currently presented ones or not. This can be
only done when an estimate of Teff of the companion is available, which is presently not the
case.

Also, estimating the mass of the primary and secondary components is very helpful for de-
tailed modelling of the system. We have started a long term observation campaign of PB 8783
with HERMES - the high-resolution échelle spectrograph of the Mercator telescope. Cur-
rently HERMES is undergoing commissioning and it is especially designed to achieve long
term stability for reliable RV measurements. We have initiated a project to study the orbits of
sdB stars thought to result from the RLOF channel and PB 8783 is one of the primary targets.
From HERMES we will have good S/N spectra needed for successful spectral decomposi-
tion. This will give us a reliable Teff , log g and mass error box for seismic models such as
those presented in Hu (2009). All this information together should allow us to perform an
all-inclusive seismic study of PB 8783 and confront its high-precision result on the seismic
mass and hydrogen layer with binary evolution models.
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Chapter 7
Conclusions and future prospects

To fully use the unique potential of sdB asterseismology for tuning their formaton scenarios,
it is required to have the secure identification of the modes of their pulsations. The only
way to make progress in this respect is to increase the time base of the data of available case
studies and/or to increase the number of case studies. At the time of the beginning of this
Thesis work, no such empirical mode identification existed for any of the pulsating sdB stars.
The work presented in this Thesis is a step towards that goal. Given the complexity of the
sdB pulsators with respect to their faintness and rich multimode pulsation spectrum plagued
with a plethora of closely spaced frequencies with low amplitudes, we have used the biggest
telescopes currently available, equipped with the best instruments of the highest temporal and
spectral resolution, to gather data on three sdB stars. While there is still work to be done on
many aspects (see below) the initial goal has been achieved. With the detailed study of the:

– frequency spectrum of a single V361 Hya star (see Chapter 2),

– orbital and stellar parameters of a short-period V361 Hya binary as well as the study of
the line-profile variations of its detected pulsation mode (see Chapter 3 and Chapter 5),

– multicolour photometry of a wide V361 Hya binary star (see Chapter 6),

we have provided the basis for their asteroseismological analysis.

The conclusions on each of the individual case studies are already summarized at the end of
each Chapter, and therefore we don’t repeat them here. Instead we would like to reflect on
the subsequent work done independently from ours, on these particular stars, as that gives the
general impression of our work and most unbiased overall conclusion.

The case of PG 0014+067 Since the first paper presented in this Thesis was published,
the literature on PG 0014+067 became enlarged by several papers, mostly with the work of
Charpinet et al. (2005a); Fontaine et al. (2007, 2008); Brassard & Fontaine (2008). The first
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of those papers re-analysed the asteroseismical model, including a new data set from the same
telescope (CFHT) comprising of five consecutive 4 h long white light curves together with
the already published data by Brassard et al. (2001). The new analysis by Charpinet et al.
(2005a) yielded the same fundamental parameters, within the internal errors reported, and
more importantly the best fit model assigned the same mode identification from frequency
matching. Brassard & Fontaine (2008), however, presented new improved models for sdB
stars and applied them to the particular case of PG 0014+067. The authors have upgraded the
so-called ‘second generation’ envelope structure models on top of an inert ‘hard ball’ core,
with a complete stellar structure model with an inclusion of a nucleus. While the new genera-
tion models find the same fundamental parameters of PG 0014+067 as previously determined
by Brassard et al. (2001) and Charpinet et al. (2005a), with slightly different mode identifi-
cation, they, however, do not achieve adequate goodness-of-fit values. Therefore, the authors
come to the conclusion that more realistic equilibrium models for sdB stars are needed. The
PhD Thesis of Hu (2009) presents such models.

The case of PG 1336−018 The case of PG 1336−018 is particularly interesting, as this is
the only pulsating sdB star in an eclipsing binary with an M dwarf companion known to date,
which allows us to test the validity of the stellar parameters derived independently. By con-
fronting the fundamental stellar parameters determined from the orbital solution, as explained
in Chapter 3, with the ones derived from the asteroseismology using the pulsation frequen-
cies, we can test the asteroseismic modeling technique used. This has been done recently by
Charpinet et al. (2008), where the authors analysed the observed pulsation frequencies from
Kilkenny et al. (2003) using the ‘forward approach’ (explained in Section 1.2.3.4). With
the inclusion of the restrictions based on visibility arguments (by allowing only `= 0,1,2
and 4 modes) their best fitting seismic model, found by the genetic algorithm for optimiz-
ing the search in the large 4-dimensional parameter space, gives the following stellar pa-
rameters of the primary sdB component in PG 1336−018 system: M∗ = 0.459 ± 0.005 M�,
R∗ = 0.151 ± 0.001 R� , log g = 5.739 ± 0.002, Teff = 32 740 ± 400 K and log Menv/M∗ =

−4.54± 0.07. These stellar parameters are in agreement with one of our two observed orbital
solutions, also allowed by the evolutionary computations by Hu et al. (2007), i.e. Model II
given in Table 3.3. While this is a convincing result as to the validity of the asteroseismic
model used, there are still lots of interesting research topics to be addressed in the future on
this unique star. First, the used models by Charpinet et al. (2008) are similar to those that
failed for PG 0014+067. Also, it would be interesting to model the frequency spectrum of
PG 1336−018 with the inclusion of the new frequencies from the second WET campaign
(Xcov21) on this star to test the robustness of the model. Further, it would be instructive
to model the same frequency spectrum with independent models, like those presented in
Hu (2009) and to compare the results. Furthermore, this star offers plenty of other research
topics. While with the current UVES spectra we could not detect the secondary, we strongly
believe that, with better S/N spectra, this can be done as shown for the case of AA Dor (see
Chapter 4). Even if the temperature of the heated face of the secondary is not as high, we
should be able to see the correlation of Teff and log g with the orbital phase due to the in-
fluence of the reflected light from the cool companion. Next, hopefully new observations
of PG 1336−018 with better coverages of the eclipses could permit yet another independent
mode identification via eclipse mapping.
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Now is the time to confront the observations with the seismic models such as those presented
in the PhD Thesis of Hu (2009). This is the first topic we will work on in the very near future.

The main conclusion from our research on all three pulsating sdB stars analysed in this Thesis
is that a long time-base high signal-to-noise simultaneous multicolour photometry in conjuc-
tion with medium to high resolution spectroscopy is needed to achieve secure mode identi-
fication. In addition, due to the their multiperiodic oscillations, dedicated long term uninter-
rupted observations are essential for resolving the complex frequency spectra of V361 Hya
stars. From our experience, having short time span observations from a big telescope is not
giving the frequency resolution needed for a secure mode identification, unless for a rare case
of a bright sdB pulsator with a well resolved high amplitude mode, e.g. Balloon 090100001.
Therefore an ideal target for a successful mode identification would be a relatively bright
pulsating sdB star with a well isolated high amplitude frequency. Even if the underlying
frequency spectrum is complex, having identified at least one of the dominant modes would
break the degeneracy in the vast parameter space of the models. Our conclusion from the
multicolour photometry of PB 8783 (Chapter 6) that the amplitude ratios are constant is im-
portant as it allows the amplitude ratio method to be applied even to the frequencies whose
amplitudes are varying in time.

The bright hybrid sdB star Balloon 090100001 (mB=11.8) (as mentioned in Chapter 5.1),
is a beautiful proof of our conclusion that only with both techniques can we attempt mode
identification. The recent work of Baran et al. (2008) and Telting et al. (2008) clearly shows
that a joint team work of specialists in both fields is needed to be able to identify modes in an
sdB star.

Future hopes for sdB research The big hope for sdB pulsators, and asteroseismology in
general, comes from global networks and high time-resolution space missions (like Kepler
and possibly PLATO) which are designed to produce continuous and long enough data sets
allowing an unprecedented frequency precision and high signal-to-noise for a large number of
frequencies to be detected. This will probably increase the number of pulsating sdB stars as
many of them might just have too low amplitudes to be observed with the current thresholds.
In particular for the Kepler mission, which was launched successfully on 7 March 2009, sdB
candidates were selected for observations by our team and we are looking forward to the
space lightcurves!

The recent discovery of a planet around the pulsating sdB star V391 Peg (Silvotti et al. 2007),
as well as various planets in eclipsing systems, similar to the one we analysed in Chapter 3
and Chapter 5, i.e., consisting of an sdB+M star, show not only that a planet can survive
through the evolution of an sdB star, but also that planets around sdB stars may not be a
rare phenomenon. As such, planets could play an important role in the formation process of
sdB stars. This certainly strengthens the need of long term sdB monitoring projects, such as
EXOTIME1, to detect light travel time variations in pulsating sdB stars and eclipsing sdB sys-
tems. Furthermore, binary population synthesis predicts a large number of long period sdB
binaries, which observations still fail to detect. As mentioned in Chapter 1 and Chapter 6,
the long orbital periods require very long observing time with high precision spectroscopy in

1EXOTIME is a project aimed at searching for exoplanets with the timing method, see http://www.na.astro.it/ sil-
votti/exotime/
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order to detect the low-amplitude orbital RV variations. We are looking forward to obtaining
measurements with HERMES - the new high-resolution échelle spectrograph of the Merca-
tor telescope (Raskin & Van Winckel 2008). We are planning a long term project with this
instrument, to study the orbits of sdB binaries, thought to be the result of the stable RLOF
formation channel.

Finally, it is worth mentioning that a dedicated multicolour fast read-out camera MAIA (Mer-
cator Advanced Imager for Asteroseismology) is presently being built by the Leuven insti-
tute. As ULTRACAM, MAIA will be capable of simultaneous photometry in three photo-
metric bands. Permanently mounted at the Mercator telescope, this instrument will be the
only one in the world which will be available for long-term multicolour photometric moni-
toring of pulsating sdB stars. With three large-format frame-transfer CCD chips, this camera
will overcome the problem of the small field of view limiting the choice of references stars
that our ULTRACAM photometry suffered from, while still retaining the rapid frame rate
required to sample the short pulsation periods of the subdwarf B pulsators. We eagerly await
its implementation and inauguration, foreseen for the end of 2010.
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Vučković, M., Hostler, S., Kawaler, S. D., and Behera, B., 14th European Workshop on
White Dwarfs, 2005, Astronomical Society of the Pacific Conference Series, Vol. 334,
p. 623, Edited by Koester, D., Moehler, S.

– PG 0014+067: WET Observations and a New Twist to the sdB Star Puzzle
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Vučković, M., Dhillon, V. S., and Marsh, T. R., Hot Subdwarf Stars and Related Objects
ASP Conference Series, 2008, Vol. 392, p. 293, Proceedings of the conference held 23-27
July, 2007, at Otto-Friedrich-Universität, Bamberg, Germany. Edited by Ulrich Heber, C.
Simon Jeffery, and Ralf Napiwotzki

– Detection of line-profile variations in high-resolution VLT/UVES spectroscopy of the sub-
dwarf B pulsator PG 1336−018 (NY Virginis)
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